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ABSTRACT
We report the definite spectroscopic identification of ≃ 40 OB supergiants, giants and main sequence
stars in the central parsec of the Galaxy. Detection of their absorption lines have become possible with
the high spatial and spectral resolution and sensitivity of the adaptive optics integral field spectrometer
SPIFFI/SINFONI on the ESO VLT. Several of these OB stars appear to be helium and nitrogen rich.
Almost all of the ≃ 80 massive stars now known in the central parsec (central arcsecond excluded) reside
in one of two somewhat thick (〈|h|/R〉 ≃ 0.14) rotating disks. These stellar disks have fairly sharp inner
edges (R ≃ 1′′) and surface density profiles that scale as R−2. We do not detect any OB stars outside
the central 0.5 pc. The majority of the stars in the clockwise system appear to be on almost circular
orbits, whereas most of those in the ‘counter-clockwise’ disk appear to be on eccentric orbits. Based
on its stellar surface density distribution and dynamics we propose that IRS 13E is an extremely dense
cluster (ρcore & 3×108M⊙ pc−3), which has formed in the counter-clockwise disk. The stellar contents of
both systems are remarkably similar, indicating a common age of ≃ 6± 2 Myr. The K-band luminosity
function of the massive stars suggests a top-heavy mass function and limits the total stellar mass contained
in both disks to ≃ 1.5× 104M⊙. Our data strongly favor in situ star formation from dense gas accretion
disks for the two stellar disks. This conclusion is very clear for the clockwise disk and highly plausible
for the counter-clockwise system.
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1. INTRODUCTION
The Galactic Center (GC) is a unique laboratory
for studying galactic nuclei. Given its proximity, pro-
cesses in the GC can be investigated at resolutions
and detail that are not accessible in any other galac-
tic nucleus (unless otherwise specified we adopt a dis-
tance of 8 kpc for simplicity of comparison to ear-
lier work; we specifically use the most recent value
R0 = 7.62± 0.32 kpc by Eisenhauer et al. 2005 when
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the ≃ 5% error could lead to a significant bias). The
GC has many features that are thought to occur in other
nuclei (for reviews, see Genzel & Townes 1987; Mor-
ris & Serabyn 1996; Mezger, Duschl & Zylka 1996;
Alexander 2005). It contains the densest star cluster
in the Milky Way intermixed with a bright H II region
(Sgr A West or the ‘mini-spiral’) and hot gas radiating
at X-rays. These central components are surrounded
by a ≃ 1.5 pc ring/torus of dense molecular gas (the
‘circum-nuclear disk’, CND). At the very center lies
a very compact radio source, Sgr A*. The short or-
bital period of stars (in particular the B star S2) in
the central arcsecond around Sgr A* show that the ra-
dio source is a 3–4× 106M⊙ black hole (BH) beyond
any reasonable doubt (Schödel et al. 2002; Ghez et
al. 2003). The larger Galactic Center region contains
three remarkably rich clusters of young, high mass
stars: the Quintuplet, the Arches, as well as the parsec-
scale cluster around Sgr A* itself (Figer 2003).
In seeing-limited near-infrared images of the cen-
tral region of the Galactic Center, several bright
sources dominate the ≃ 20′′× 20′′ field centered on
Sgr A*. Among these, the IRS 16 cluster2 (Beck-
lin & Neugebauer 1975) is a bright source of broad
He I 2.058 µm line emission (Hall, Kleinmann &
Scoville 1982). IRS 16 has been since then resolved
into a cluster of about a half a dozen stars (Forrest et
al. 1987, Allen, Hyland & Hillier 1990, Krabbe et
al. 1991, 1995, Tamblyn et al. 1996, Paumard et al.
2001). These appear to be post main-sequence OB
stars in a transitional phase of high mass loss (Mor-
ris et al. 1996), between extreme O supergiants and
Wolf-Rayet (WR) stars (Allen et al. 1990; Najarro et
al. 1994, 1997; Trippe et al. 2005). They have been
classified as Ofpe/WN9 stars (Allen, Hyland, & Hillier
1990) and have been suggested as Nitrogen-rich OB
stars (OBN) stars by Hanson et al. (1996) and as Lumi-
nous Blue Variables (LBV) candidates by Paumard et
al. (2001). There is no a-priori incompability between
these tentative classifications that are based on differ-
ent properties. Several dozens of even more evolved
WR stars have been observed in the same region (e.g.
Krabbe et al. 1995; Blum, Sellgren & DePoy 1995;
Paumard et al. 2001). The lack of OB stars in these
earlier studies is puzzling. The question is whether this
lack is due to a true depletion or is merely a selection
effect due to veiling of the weak absorption lines in
2The sources named “GCIRS” for Galactic Center Infrared Source
are often referred to simply as “IRS” sources in the GC-centric lit-
erature.
near main sequence stars by bright nebular emission.
Adaptive optics (AO) spectroscopy of the center-most
arcsecond around Sgr A* (mostly devoid of nebular
emission) has already revealed a dozen massive stars.
These stars appear to be main sequence late O and B
stars and orbit the central black mass at distances as
short as a few light-days (Schödel et al. 2003; Ghez et
al. 2003, 2005; Eisenhauer et al. 2005).
These observations show that massive star forma-
tion has occurred at or near the Galactic Center within
the last few million years. This is surprising. All obvi-
ous routes to creating or bringing massive young stars
in(to) the central region face major obstacles. In situ
star formation, transport of stars from far out, scatter-
ing of stars on highly elliptical orbits and rejuvena-
tion of old stars due to stellar collisions and tidal strip-
ping have all been proposed and considered (for a re-
cent review of the rapidly growing body of literature
see Alexander 2005). No explanation at this point is
the obvious winner (or loser). Perhaps the two most
prominent and promising scenarios for explaining the
young massive stars outside the central cusp, at radii
of 3–10′′ from Sgr A*, are
1. the ‘in situ, accretion disk’ scenario (Levin &
Beloborodov 2003; Genzel et al. 2003; Good-
man 2003; Milosavljevic & Loeb 2004; Nayak-
shin & Cuadra 2005). Here the proposal is that
stars have formed near where they are found to-
day, very close to the central black hole. How-
ever, in situ star formation is impeded by the
tidal shear from the central black hole and sur-
rounding dense star cluster. To overcome this
shear, gas clouds have to be much denser (≃
1012R−3
1′′
cm−3) than currently observed (Morris
1993). The tidal shear can be overcome if the
mass accretion was large enough at some point
in the past – perhaps as the consequence of the
in-fall and cooling of a large interstellar cloud –
such that a gravitationally unstable (outside of a
critical radius) disk was formed. The stars were
formed directly out of the fragmenting disk;
2. the ‘in-spiraling star cluster’ scenario (Gerhard
2001; McMillan & Portegies Zwart 2003; Porte-
gies
Zwart et al. 2003; Kim & Morris 2003; Kim,
Figer, & Morris 2004; Gürkan & Rasio 2005).
Here the idea is that young stars were origi-
nally formed outside the hostile central parsec
and only transported there later on. Individual
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transport of stars by two body relaxation and
mass segregation from further out takes too long
a time (≃ 107.5–109 years: Alexander 2005).
Stars in a bound, massive cluster can sink in
much more rapidly owing to dynamical friction
(Gerhard 2001). To sink from an initial radius of
a few parsec or more to a final radius of ≪ 1 pc
within an O star lifetime (a few Myr) requires a
cluster mass > 105M⊙. To prevent the final tidal
disruption of such a cluster at too large a radius
– resulting in the deposition of its stars there –
the core of the original star cluster also has to
be much denser (> 107M⊙ pc−3) and more com-
pact (≪ 1 pc) than any known cluster. However,
as a helpful by-product, dynamical processes
in such a hypothetical super-dense star cluster
may then lead to the formation of a central, in-
termediate mass black hole (IMBH; Portegies-
Zwart & McMillian 2002; Gürkan et al, 2004).
Such a black hole may help to stabilize the clus-
ter core against tidal disruption and lessen the
high density requirement somewhat (Hansen &
Milosavljevic 2003).
The ‘paradox of youth’ in the central S-star clus-
ter, with > 15 apparently normal main sequence B
stars residing in tightly bound orbits in the central
light month around the central black hole, probably
requires yet another explanation (recently Ghez et al.
2003, 2005; Genzel et al. 2003; Hansen & Milosavlje-
vic 2003; Gould & Quillen 2003; Alexander & Livio
2004; Eisenhauer et al. 2005; Alexander 2005; Davies
& King 2005). Perhaps the most promising route to
get the B stars into the central arcsecond is a scattering
process from the reservoir of massive, young stars at
≃ 3–10′′ (e.g. Alexander & Livio 2004).
To test these proposals, the detailed properties and
dynamics of the massive stars in the central parsec
must be studied. These properties include exact stel-
lar type, spatial distribution and 3D space velocities.
For this purpose, high-resolution imaging and spectro-
imaging are required. The new adaptive optics as-
sisted, near-infrared integral field spectrometer on the
ESO-VLT, SPIFFI/SINFONI (Eisenhauer et al. 2003b;
Bonnet et al. 2004) represents a key new capability
for addressing the issues discussed above. We report
in this paper SPIFFI/SINFONI observations in 2003,
2004 and 2005 that give important new information
on the location, dynamics and evolution of the mas-
sive, early type stars in the central parsec. We begin
by discussing the SPIFFI/SINFONI observations and
data analysis in Sect. 2. This is followed by presenta-
tion of our results in Sect. 3. In Sect. 4 we discuss the
implications of our findings. Further technical details
are presented in the Appendices.
2. OBSERVATIONS AND DATA ANALYSIS
2.1. Observations
SPIFFI (Eisenhauer et al. 2003b,c) is a near-
infrared integral field spectrometer providing a 2048
pixel spectrum simultaneously for a contiguous, 64×
32-pixel field. Its salient features include a reflective
image slicer and a grating spectrometer with an overall
detective throughput (including pre-optics module and
telescope) of ≥ 30%. Its 20482-pixel Hawaii II detec-
tor covers the J, H and K (1.1 to 2.45 µm) atmospheric
bands. In its 2003 version with a smaller 10242-pixel
detector the spectrometer provided 1024 spectra for
a 322-pixel field. Spectral resolving powers range
from R = 1000 to 4000. Three pixel scales (12.5× 25
square milli-arcseconds (mas), 50 × 100 mas2 and
125× 250 mas2) can be chosen on the fly. In the
SINFONI ESO VLT facility, SPIFFI is mated with the
MACAO adaptive optics module (Bonnet et al. 2003)
employing a 60-element wave-front-curvature sensor
with avalanche photodiodes. This mode makes it pos-
sible to perform spectroscopy at the smallest (diffrac-
tion limited) pixel scale.
Table 1 lists the various data sets we have been
able to obtain with both SPIFFI as a guest instrument
(in 2003) and SINFONI during its commissioning in
2004 and guaranteed time observation (GTO) runs in
2005. These data have been taken in the K-band with
a resolution R = 4000 (full width at half maximum
FWHM = 85 km s−1) and in the H+K mode (R = 1500,
FWHM = 230 km s−1). Preliminary results from the
2003 seeing limited datasets were presented in Gen-
zel et al. (2003), Horrobin et al. (2004) and Paumard
et al. (2004a). The 2004 mosaic supersedes the 2003
K-band one. Although the FWHM resolution of these
two sets is almost identical, the AO reduced dramat-
ically the wings of the point spread function (PSF),
rending unnecessary the complex method for correc-
tion of the nebular emission described in Paumard et
al. (2004a). Figure 1 shows the coverage of these spec-
tral cubes, superposed on a diffraction limited L′-band
(3.76 µm) image taken with NACO.
We also analyzed several high-quality H- and Ks-
band, diffraction limited images taken during 2002–
2004 with NACO during our GTO astrometry imaging
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TABLE 1
SUMMARY OF SPIFFI/SINFONI DATA SETS
Date Band Pixel 2D res. Mosaic sizea Comments
mas mas arcsec×arcsec
2003 Apr 8–9 K 100 250 10× 10 Excellent seeing
2003 Apr 8–9 H+K 250 900 38× 32 · · ·
2004 Aug 18–19 K 100 220 10× 10 · · ·
2005 Mar 14–23 K 100 200 6× 16 Centered≃ 15′′ N of Sgr A*; very deep
spectroscopy (mK,lim ≃ 16–17.5)
2005 Mar 14–23 K 100 200 4× 20 Long dimension SW–NE; centered ≃
15′′ NE of Sgr A*
2005 Jun 17 K 250 1000 40× 40 ‘Frame’ completing 2003 H+K mosaic
aUnless otherwise specified, East–West × North–South.
program to construct very deep images of the IRS 13E
and IRS 16 regions. We will return to this when we
discuss these images in Sect. 3.3.
2.2. Spectral Identification of Early Type Stars
Interpretation of stellar spectra in the Galactic Cen-
ter is hindered by stellar crowding and ionized inter-
stellar gas emission, especially in H I λ 2.166 µm
(Brγ) and He I λ 2.058 µm. As a result, previous
seeing limited spectroscopic observations have rela-
tively easily detected broad emission line stars, such as
WR stars and other evolved objects (Ofpe/WN stars),
but have not been successful in detecting near main-
sequence OB stars. These are characterized by rel-
atively weak, absorption features of He I (λ 2.058,
2.113, 2.163 µm) and H I Brγ (Hanson et al. 2005;
the feature at 2.113 µm is in fact a compound of 4 He I
lines and three N III lines). The new high-resolution
SINFONI data overcome both of these issues to a con-
siderable extent. We can now reliably detect all OB
supergiants and giants (mK ≃ 11–13). In less crowded
regions without strong nebular emission we are now
also successful in detecting OB main sequence stars
(mK ≃ 13–15; see also Eisenhauer et al. 2005).
We searched for OB stars by visual inspection
of 2D continuum-subtracted line maps in the above-
mentioned lines. Brγ and He I λ 2.058 µm are usu-
ally intrinsically stronger than He I λ 2.113 µm, but
the latter does not suffer from the problem of nebular
emission. This line is, therefore, a good choice for
identification of OB stars, especially in the lower res-
olution H+K data. The spectra of the OB candidates
so identified were then extracted with the interstellar
emission removed by subtracting an off-source spec-
trum (generally from a ring around each source).
For the medium plate scale (50× 100 mas2/pixel)
K band data, the diffuse emission can in most cases be
successfully removed by this subtraction. The correc-
tion is not perfect, especially for stars embedded in the
interstellar medium, which they excite locally. In other
cases the profiles of the interstellar emission are com-
plex and vary rapidly from position to position (Pau-
mard et al. 2004b). As a result there remain consid-
erable uncertainties around Brγ and He I λ 2.058 µm
in the spectra extracted near/on mini-spiral streamers.
In a few cases, especially for fainter stars, the spec-
tral identification of the stars is not certain. We have
taken these issues into account by grouping stars into
three quality codes. Stars with code 2 have high qual-
ity spectra and certain identification. Stars with code 1
have possible uncertainties in the extraction of some of
the key spectral features. In the case of stars with code
0 the identification (as early type stars) is preliminary
and needs to be confirmed. For a positive identifica-
tion of a candidate Brγ absorption line star we require
that the stellar spectrum does not exhibit any signs for
the 2.3–2.4 µm CO overtone absorption bands charac-
teristic of late type stars.
In the larger K and H+K cubes at lower spectral
and spatial resolution (the outer square and rectangles
in Fig. 1), the nebular emission subtraction becomes
much harder. There remains only the possibility of
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Fig. 1.— Outline of the various 2003–2005 SPIFFI/SINFONI H+K and K-band cubes (outlines), superposed on a
≃ 100 mas resolution, L-band NACO image (logarithmic scale). Small circles denote the 90 quality 1 and 2 early type
stars (OB I–V, Ofpe/WN9, WR-stars) reported in this paper (Table 2). A dotted circle denotes a 0.5 pc radius zone
centered on Sgr A*, within which essentially all OB stars we have found appear to lie.
looking for the He I/N III complex at 2.113 µm as ex-
plained above but the cube in this case is filled with
an unresolved background of late-type stars: the CO
break at 2.29 µm, which is obvious in almost every
pixel in the field, cannot be used as a discriminator.
All spectra are contaminated to some extent by the
numerous absorption lines that the cool stars exhibit
(Wallace & Hinkle 1997 speak of a “grass” of absorp-
tion lines). We see in particular Al I λ 2.1099, 2.1132
and 2.1170 µm. This makes the identification of He I
λ 2.1127 µm uncertain or even doubtful. While we
find many emission line stars in this cube, we regard
the identification of a number of absorption line stars
as reasonably safe, and classify them with the same
quality codes.
To obtain stellar identifications we compared the
extracted spectra with templates from the literature.
For the wind-dominated stars and WR stars we mainly
used the atlas of Morris et al. (1996) and Figer,
McLean & Najarro (1997). For the OB stars we re-
ferred to Hanson et al. (1996, 2005). We compared
spectra from the latter atlas individually to the Galac-
tic Center stars and made spectral identifications based
on the strength of the He I, H I, He II, and N III lines,
along with equivalent widths and line profiles/widths.
We computed absolute magnitudes from the observed
magnitudes and individual extinction corrections (Ap-
pendix F). These absolute K magnitudes are used in
our final classifications (Table 2) as an additional con-
straint for placing the stars in the different luminosity
classes.
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TABLE 2
PROPERTIES OF EARLY TYPE STARS (QUALITY 1+ 2) IN THE CENTRAL PARSEC
Name p x y z ± mK vx ± vy ± vz ± j ± ea ±a Type Q MK ±
E1:S2,S02 0.12 0.04 0.12 · · · · · · 14.0 9 32 1830 43 -1060 25 0.29 0.02 0.876 0.007 B0-2 V 2 -3.9 0.6
E2:S14,S016 0.14 0.12 0.07 · · · · · · 15.7 2106 191 1103 88 300 80 -0.04 0.05 0.939 0.008 B4-9 V 2 -2.2 0.6
E3:S13,S020 0.16 -0.16 0.00 · · · · · · 15.8 359 93 1483 52 -280 50 -0.98 0.03 0.395 0.032 B4-9 V 2 -2.1 0.6
E4:S1,S01 0.21 -0.04 -0.20 · · · · · · 14.5 801 28 -1183 44 -1033 25 0.71 0.02 0.358 0.036 B0-2 V 2 -3.4 0.6
E5:S12,S019 0.23 -0.06 0.26 · · · · · · 15.5 255 79 1098 56 280 50 -0.46 0.07 0.902 0.005 B4-9 V 2 -2.4 0.6
E6:S4,S03 0.29 0.26 0.11 · · · · · · 14.4 623 26 74 24 -570 40 -0.28 0.04 · · · · · · B0-2 V 2 -3.5 0.6
E7:S08 0.40 -0.30 0.27 · · · · · · 15.8 121 23 -471 21 -390 70 0.54 0.04 · · · · · · B4-9 V 2 -2.1 0.6
E8:S5 0.40 0.36 0.17 · · · · · · 15.0 -134 30 355 30 30 90 1.00 0.08 · · · · · · B4-9 V 2 -2.9 0.6
E9:S9,S05 0.40 0.18 -0.36 · · · · · · 15.1 109 23 -499 23 610 40 -0.26 0.05 · · · · · · B0-2 V 2 -2.8 0.6
E10:S8,S04 0.45 0.37 -0.26 · · · · · · 14.5 536 45 -569 41 15 30 -0.21 0.05 0.927 0.019 B0-2 V 2 -3.4 0.6
E11:S6,S07 0.48 0.47 0.09 · · · · · · 15.4 295 30 -21 24 160 60 -0.25 0.08 · · · · · · B V 2 -2.5 0.6
E12:S7,S011 0.53 0.53 -0.05 · · · · · · 15.2 -225 22 -93 23 -20 150 -0.46 0.10 · · · · · · B V 2 -2.7 0.6
E13 0.68 0.53 0.43 · · · · · · 15.1 153 23 -20 22 -890 31 -0.73 0.15 · · · · · · B V 2 -2.8 0.6
E14:S014 0.82 -0.78 -0.28 · · · · · · 13.7 34 21 -2 20 -14 40 0.39 0.60 · · · · · · O9.5-B2 V 2 -3.9 0.6
E15:S1-3 0.96 0.43 0.86 1.57 0.33 12.2 -518 21 115 22 68 40 0.97 0.04 0.000 0.151 ? 2 -4.9 1.1
E16:S015 0.98 -0.94 0.26 0.22 0.24 13.6 -262 23 -374 26 -424 70 0.94 0.06 0.096 0.173 O9-9.5 V 2 -3.4 0.9
E17 1.01 -0.04 -1.01 -1.70 0.48 14.7 432 29 8 28 26 30 1.00 0.07 0.107 0.255 ? 1 -3.0 0.5
E18 1.09 -0.66 -0.87 -1.96 0.56 14.1 313 28 -144 28 -364 40 0.98 0.08 0.636 0.229 OB 1 -3.6 0.5
E19:IRS16NW 1.21 0.03 1.21 · · · · · · 10.0 199 52 67 44 -44 20 -0.94 0.25 0.898 0.052 Ofpe/WN9 2 -7.4 0.4
E20:IRS16C 1.23 1.13 0.48 1.22 0.46 9.7 -342 50 302 44 125 30 0.90 0.10 0.075 0.279 Ofpe/WN9 2 -6.7 0.4
E21 1.31 -0.85 -1.00 -1.91 0.45 13.8 397 28 -65 27 -24 30 0.86 0.07 0.349 0.159 OB I? 2 -3.9 0.7
E22 1.40 -1.36 -0.31 -0.90 0.33 12.8 157 29 -277 27 -434 50 0.96 0.08 0.204 0.219 O8-9.5 III/I 2 -4.2 0.6
E23:IRS16SW 1.43 1.05 -0.98 -1.46 0.51 9.9 261 47 90 43 320 40 0.88 0.16 0.410 0.190 Ofpe/WN9 2 -6.5 0.4
E24 1.68 -1.67 0.14 -0.21 0.38 13.1 62 29 -206 28 -344 50 0.93 0.13 0.413 0.177 O9-9.5 III? 2 -4.5 0.5
E25 1.72 -1.64 -0.50 -1.15 0.66 12.7 273 28 -81 28 -224 50 0.55 0.10 · · · · · · O8.5-9.5 I? 2 -4.2 0.5
E26:IRS16SSW 1.75 0.72 -1.60 · · · · · · 11.5 118 28 -207 29 206 30 0.10 0.12 · · · · · · O8-9.5 I 2 -5.5 0.5
E27:IRS16CC 2.08 2.01 0.54 1.35 0.54 10.4 -85 44 219 45 241 25 0.99 0.19 0.478 0.137 O9.5-B0.5 I 2 -6.7 1.1
E28:IRS16SSE2 2.08 1.45 -1.49 -2.13 0.54 12.4 292 28 120 27 286 20 0.93 0.09 0.228 0.241 B0-0.5 I 2 -4.4 0.4
E29 2.08 0.99 1.83 3.21 0.57 13.7 -254 28 67 27 -94 50 0.97 0.11 0.490 0.170 O9-B0 2 -3.5 0.8
E30:IRS16SSE1 2.09 1.59 -1.36 -1.85 0.57 12.2 291 29 116 28 216 20 0.88 0.09 0.057 0.212 O8.5-9.5 I 2 -4.9 0.5
E31:IRS29N 2.14 -1.60 1.41 · · · · · · 10.0 130 50 -119 45 -190 90 0.02 0.27 · · · · · · WC9 2 -7.7 0.4
E32:MPE+1.6-
6.8(16SE1)
2.18 1.85 -1.15 -1.52 0.63 10.9 184 43 124 44 366 70 0.91 0.20 0.260 0.347 WC8/9 2 -5.9 0.5
E33:IRS33N 2.19 -0.06 -2.19 · · · · · · 11.1 85 30 -212 40 68 20 0.40 0.16 · · · · · · B0.5-1 I 2 -5.8 0.4
E34:MPE+1.0-
7.4(16S)
2.26 1.27 -1.88 -2.70 0.61 10.7 301 47 1 43 100 20 0.83 0.15 0.100 0.287 B0.5-1 I 2 -6.1 0.6
E35:IRS29NE1 2.28 -0.99 2.06 2.99 0.60 11.7 -370 51 25 43 -100 70 0.87 0.13 0.140 0.306 WC8/9 2 -6.0 0.4
E36 2.34 0.45 2.29 3.52 0.56 12.5 -317 29 85 27 41 20 1.00 0.09 0.192 0.121 O9-B0 I? 2 -5.3 0.4
E37 2.62 -1.47 2.17 · · · · · · 14.8 130 29 -143 28 -114 30 -0.14 0.15 · · · · · · O8-9 I? 2 -3.3 0.5
E38 2.76 0.19 2.76 3.47 0.54 13.1 -342 46 85 43 36 20 0.98 0.13 0.279 0.166 O8-9 III/I 2 -5.0 0.5
E39:IRS16NE 3.05 2.87 1.03 · · · · · · 8.9 104 49 -379 47 -10 20 -1.00 0.12 0.000 0.234 Ofpe/WN9 2 -7.5 0.6
E40:IRS16SE2 3.17 2.94 -1.19 -1.20 0.71 12.0 107 28 181 29 327 100 0.99 0.14 0.206 0.288 WN5/6 2 -4.5 0.4
E41:IRS33E 3.19 0.65 -3.12 -3.57 0.50 10.1 182 47 -9 42 170 20 0.97 0.26 0.630 0.186 Ofpe/WN9 2 -6.3 0.4
E42 3.20 -3.13 -0.66 · · · · · · 14.6 -52 28 257 28 40 40 -1.00 0.10 0.358 0.218 B V/III 2 -2.7 0.6
E43 3.21 -1.60 -2.79 -3.57 0.50 12.2 227 29 1 28 -114 50 0.87 0.13 0.214 0.297 O8.5-9.5 I 2 -4.7 0.4
E44 3.29 1.45 2.95 3.63 0.42 13.8 -259 29 53 27 -114 40 0.97 0.11 0.508 0.164 O9-B0 II/I? 2 -4.1 0.5
E45 3.33 -2.61 -2.08 · · · · · · 12.5 175 27 106 28 63 30 0.13 0.13 · · · · · · O9-B0 I 2 -4.3 0.4
TABLE 2—Continued
Name p x y z ± mK vx ± vy ± vz ± j ± ea ±a Type Q MK ±
E46:IRS13E1 3.37 -2.94 -1.64 · · · · · · 10.7 -201 45 -50 42 71 20 -0.26 0.21 · · · · · · B0-1 I 2 -5.6 0.3
E47 3.41 1.67 -2.97 · · · · · · 12.5 -49 25 150 25 91 30 0.20 0.16 · · · · · · B0-3 I 2 -4.4 0.4
E48:IRS13E4 3.50 -3.19 -1.42 · · · · · · 11.7 -316 29 76 29 56 70 -0.61 0.09 0.809 0.058 WC9 2 -4.7 0.4
E49:IRS13E3b 3.53 -3.19 -1.51 · · · · · · 13.0 -157 29 118 30 87 20 -0.88 0.15 0.725 0.098 ? 2 -5.2 0.3
E50:IRS16SE3 3.54 3.35 -1.16 -0.93 0.76 11.9 7 29 201 27 281 20 0.96 0.14 0.319 0.224 O8.5-9.5 I 2 -4.7 0.6
E51:IRS13E2 3.59 -3.14 -1.74 · · · · · · 10.8 -303 44 68 46 40 40 -0.66 0.15 0.749 0.099 WN 8 2 -5.6 0.4
E52 3.84 -1.26 3.62 · · · · · · 13.3 214 28 214 26 -167 20 -0.90 0.09 0.378 0.183 O8-9 III 2 -4.8 0.4
E53 3.95 -2.76 -2.83 · · · · · · 12.4 -65 25 -154 25 29 20 0.36 0.15 · · · · · · B0-1 I 2 -4.7 0.6
E54:IRS34E 4.08 -3.67 1.80 2.12 0.88 12.6 -221 28 -131 27 -154 25 0.84 0.10 0.171 0.215 O9-9.5 I 2 -5.0 0.6
E55 4.14 0.77 -4.06 · · · · · · 12.5 -65 29 -159 27 76 20 -0.54 0.17 · · · · · · B0-1 I? 2 -4.3 0.4
E56:IRS34W 4.35 -4.05 1.59 1.55 0.89 11.4 -79 28 -166 27 -290 30 1.00 0.15 0.217 0.354 Ofpe/WN9 2 -5.8 0.5
E57 4.43 4.42 0.25 1.48 0.96 13.5 -109 28 114 27 196 40 0.76 0.17 0.343 0.260 O7-9 III? 2 -3.0 0.5
E58:IRS3E 4.48 -2.26 3.80 · · · · · · 15.0 · · · · · · · · · · · · 107 100 · · · · · · · · · · · · WC5/6 1 -2.9 0.6
E59:[PMM2001]
B9c
4.54 2.94 3.46 · · · · · · 13.0 250 28 32 26 -150 100 -0.67 0.11 0.794 0.078 WC9 2 -4.0 0.6
E60 4.66 -4.36 -1.65 · · · · · · 12.4 -210 27 127 27 330 80 -0.79 0.11 1.046 0.311 WN7? 2 -4.5 0.6
E61:IRS34NW 4.69 -3.73 2.85 3.08 0.81 12.8 -225 28 -112 27 -150 30 0.90 0.11 0.000 0.230 WN7 2 -4.6 0.6
E62 4.99 2.18 4.48 · · · · · · 11.5 229 42 -66 43 -134 40 -0.99 0.18 0.325 0.229 B0-3 I 2 -6.5 0.5
E63:IRS1W 5.30 5.27 0.57 · · · · · · 9.6 -108 44 209 55 35 20 0.93 0.23 0.410 0.304 Be? 1 -7.1 0.3
E64 5.81 5.81 0.05 · · · · · · 12.4 -20 30 170 25 40 25 0.99 0.15 0.572 0.151 O9.5-B2II 2 -4.4 0.4
E65:IRS9W 6.30 2.85 -5.62 · · · · · · 12.1 167 29 135 27 140 50 0.98 0.13 0.665 0.242 WN8 2 -4.1 0.4
E66:IRS7SW 6.32 -3.95 4.93 · · · · · · 12.0 -5 27 -108 26 -350 50 0.66 0.25 1.261 0.216 WN8 2 -4.4 0.5
E67:IRS1E 6.38 6.37 0.23 · · · · · · 11.2 -107 43 136 49 8 20 0.81 0.28 0.701 0.232 B1-3 I 2 -5.6 0.4
E68:IRS7W 6.47 -2.45 5.99 · · · · · · 13.1 185 29 36 28 -305 100 -0.98 0.15 0.155 0.583 WC9 2 -4.6 0.4
E69 6.58 1.81 -6.32 · · · · · · 11.1 202 29 91 28 153 50 0.99 0.13 0.791 0.359 ? 1 -5.5 0.6
E70:IRS7E2(ESE) 6.64 4.41 4.97 · · · · · · 12.9 203 28 -7 26 -80 100 -0.77 0.13 0.714 0.104 Ofpe/WN9 2 -4.1 0.5
E71 6.68 1.59 6.49 · · · · · · 14.1 -148 30 189 29 -300 150 0.79 0.13 0.730 0.284 WC8/9 ? 1 -3.8 0.6
E72 6.73 6.71 -0.50 · · · · · · 13.6 65 28 100 28 86 100 0.87 0.24 0.555 0.243 WC9? 2 -3.0 0.3
E73 7.73 -1.08 7.65 · · · · · · 11.5 -160 50 22 50 -92 40 0.96 0.31 0.373 0.353 O9-B I 2 -5.1 0.3
E74:AFNW 8.42 -7.63 -3.57 · · · · · · 11.7 -67 28 -92 28 70 70 0.48 0.25 0.932 0.055 WN8 2 -4.5 0.4
E75 8.53 -0.02 8.53 · · · · · · 11.0 -35 45 226 40 -138 40 0.15 0.20 0.727 0.405 O9-B I 2 -5.8 0.5
E76:IRS9SW 9.10 4.28 -8.03 · · · · · · 13.1 108 49 8 45 180 80 0.91 0.45 0.521 0.374 WC9 2 -3.4 0.3
E77 9.23 -1.23 9.15 · · · · · · 13.6 · · · · · · · · · · · · -155 50 · · · · · · · · · · · · O9-B0 V 2 -3.3 0.6
E78:[PMM2001]
B1c
9.47 9.46 0.31 · · · · · · 13.0 -161 46 -142 55 -230 100 -0.64 0.26 0.781 0.216 WC9 2 -3.4 0.6
E79:AF 9.51 -6.54 -6.91 · · · · · · 10.8 68 36 50 36 160 30 0.18 0.43 0.991 0.016 Ofpe/WN9 2 -5.7 0.8
E80:IRS9SE 9.93 5.65 -8.17 · · · · · · 11.7 -2 36 -131 36 130 100 -0.58 0.28 0.766 0.181 WC9 2 -5.2 0.6
E81:AFNWNW 9.97 -9.63 -2.58 · · · · · · 12.6 87 31 -9 38 30 70 0.36 0.43 0.873 0.115 WN7 2 -4.9 0.9
E82:Blum 10.14 -8.63 -5.33 · · · · · · 13.0 -53 34 249 46 -70 70 -0.94 0.17 0.646 0.467 WC8/9 2 -3.7 0.8
E83:IRS15SW 10.15 -1.58 10.02 · · · · · · 12.0 -55 39 -32 38 -180 70 0.93 0.62 0.863 0.135 WN8/WC9 2 -5.5 0.4
E84 10.24 0.08 10.24 · · · · · · 11.3 -119 42 74 42 -250 40 0.85 0.30 · · · · · · O9-B I 2 -6.2 0.5
E85 10.63 9.68 4.39 · · · · · · 12.8 · · · · · · · · · · · · -150 40 · · · · · · · · · · · · OB 2 -3.7 0.4
E86 10.71 -0.53 10.72 · · · · · · 15.0 93 39 73 40 -205 50 -0.82 0.32 0.684 0.434 OB V ? 2 -1.6 0.4
E87 11.25 2.58 10.94 · · · · · · 13.7 -88 39 -82 37 -120 30 0.56 0.32 0.933 0.072 B V/III 2 -3.5 0.8
E88:IRS15NE 11.76 1.38 11.68 · · · · · · 11.8 -8 39 103 46 -65 40 0.19 0.37 0.877 0.114 WN8/9 2 -5.5 0.5
E89 12.27 0.00 12.27 · · · · · · 14.5 108 40 17 35 -100 40 -0.99 0.37 0.360 0.314 B1-3 V 2 -2.9 0.6
E90 13.24 11.87 5.86 · · · · · · 12.1 · · · · · · · · · · · · -190 40 · · · · · · · · · · · · O9-B1 I? 2 -4.5 0.4
TABLE 2—Continued
Name p x y z ± mK vx ± vy ± vz ± j ± ea ±a Type Q MK ±
afor stars E1–E10, we quote Eisenhauer et al. (2005).
bcluster core (multiple object).
cdesignation from Paumard et al. (2001).
NOTE.—Each “±” column gives the 1σ uncertainty on the column directly to the left. These columns give in order: name(s) of the star; projected
distance to Sgr A*; 3D position (z is derived by Beloborodov et al. 2006, submitted); apparent K magnitude; 3D velocity; sky-projected angular momentum
j (eq. B1); eccentricity (see Appendix C); stellar type; quality (2=highest, 1=good); absolute K magnitude. MK and e (exceot for E1–E10) assume
R0 = 7.62± 0.32 kpc. p, x, y, and z are in (equivalent) arcseconds. All velocities are in km s−1, assuming R0 = 8 kpc for vx and vy.
2.3. Determination of Velocities
For the emission line stars we deduced stellar ra-
dial velocities using a variety of techniques. We fitted
simple Gaussian profiles wherever possible and aver-
aged values obtained from different lines, giving larger
weight to single transitions. For lines with P Cyg pro-
files we fitted a combination of an emission and an ab-
sorption line. We also constructed template spectra for
well identified WR, Ofpe/WN9 and LBV profiles, ei-
ther from the Galactic Center stars themselves, or from
the literature (Figer et al. 1997). Velocities were then
obtained from cross-correlation. For those stars for
which velocities are available in the literature (Genzel
et al. 2000, 2003; Paumard et al. 2001; Najarro et al.
1994, 1997), we averaged our results with the earlier
values. In the analysis of Najarro et al. (1994, 1997)
the stellar velocity was a fit parameter in an overall ra-
diative transport, stellar atmosphere model of the line
profiles. Overall we find that for the wind-dominated
stars the accuracy of velocity determinations is dom-
inated by the large velocity widths and complex line
profiles. In a few cases where we have line profiles
over a number of years we find some evidence for vari-
ability in the line profiles. The 1σ uncertainties of the
velocities are typically ±50–100 km/s.
The situation is much more straightforward for the
new OB supergiants, giants and main-sequence stars.
In this case we are dealing mostly with optically thin
absorption lines of well determined transitions and
with simple line profiles. An exception is the vicinity
of HI Brγ for the OB supergiants and giants. In these
cases the line profiles clearly show evidence for He I
7–4, which is a complex of 7 transitions between −80
and −1000 km s−1 blueward of H I 7–4 (Najarro et al.
1994). The relative strengths of He I 7–4 and H I 7–4
is abundance and atmosphere dependent and needs to
be treated as a free parameter. As a result of this fairly
simple situation, the 1σ accuracy of velocity determi-
nations is mainly limited by signal-to-noise ratio and
line width and can be as good as ±20 km s−1.
3. RESULTS
3.1. OB Stars Are Finally Detected
Our observations have led to the firm detection of
29 OB supergiants (luminosity class I+II), as well as
12 OB stars of luminosity class III and V. They are
listed in Table 2 as quality 1 and 2. In addition we
have 18 OB candidates whose identifications we re-
gard as tentative (quality 0: Table 3). Those additional
stars need to be confirmed. All these detections refer
to the region outside the central cusp, with projected
radius pSgrA∗ ≥ 0.8′′. Eisenhauer et al. (2005) have
already reported 70 mas resolution SINFONI observa-
tions of this central cusp, with the detection of more
than a dozen main sequence B stars, in addition to the
late O9/B0 main sequence star S2 (S02) detected ear-
lier by Ghez et al. (2003). For completeness, these
S-stars are listed as the first 14 entries in Table 2.
Figure 2 shows the co-added spectra of the 10 best
OB I stars and the 9 best O III/V stars. A compari-
son with the atlas of Hanson et al. (2005) shows that
these two sample average spectra are very similar to
their respective solar neighborhood templates. After
more than a decade of search, our data finally reveal
the missing OB population in the Galactic Center. It
is clear that the non-detection of these stars in earlier
studies was merely an instrumental effect.
In addition to the 41 new OB stars outside the cen-
tral 0.85′′, we identify 30 post main-sequence blue su-
pergiants and Wolf-Rayet stars, adding several stars to
the sample already known from previous work (Gen-
zel et al. 1996, 2000, 2003; Paumard et al. 2001).
Of these, we classify 17 as Ofpe/WN9 and late nitro-
gen rich WRs (WNL=WN7–9) stars, and 12 as car-
bon rich WRs (WC) stars. There is one early WN
(WNE, WN5/6) star, IRS 16SE2. The Northern Arm
bow-shock star IRS 1W, with Brγ in emission and He I
λ 2.058 µm in absorption as only features, is perhaps
a Be star (see Paumard et al. 2004a for spectrum and
Fig. 2.— Left: Co-added, normalized and baseline
subtracted spectra of the 10 best OB Iab–II supergiants
(bottom) and the 9 best O III–V (top) stars in our sam-
ple. For each star we determined the velocity and then
shifted all stars to a common rest frame. The various
transitions are labeled. For the top spectrum a constant
of 0.18 was added. Right: templates from Hanson et
al. (2005) are overplotted on our spectra.
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TABLE 3
PROPERTIES OF CANDIDATE EARLY TYPE STARS (QUALITY 0) IN THE CENTRAL PARSEC.
Name p x y mK vx ± vy ± vz ± j ± Type
S1-1 1.01 1.01 0.02 13.2 223 22 73 22 ? ? 0.29 0.09 E?
1.05 -0.31 -1.00 16.0 -348 28 -341 27 ? ? -0.47 0.06 E?
1.05 0.79 -0.69 12.5 429 29 137 29 ? ? 0.86 0.06 E?
1.12 -0.97 0.56 15.6 -40 28 -88 28 ? ? 1.00 0.29 E?
1.47 -0.55 -1.37 15.5 -16 28 -28 28 ? ? -0.14 0.87 E?
1.65 0.37 -1.61 13.8 281 29 -131 30 217 60 0.79 0.09 OBIII?
2.34 2.32 -0.26 12.9 -30 28 227 28 49 20 0.97 0.12 OB??
4.85 -4.11 -2.58 16.2 -53 28 154 31 -32 71 -0.97 0.18 OBIII
IRS 7SE2 4.95 3.06 3.89 13.7 42 28 -71 28 -85 100 -0.93 0.34 WC
5.08 -4.86 1.47 16.3 107 29 -19 29 88 71 -0.12 0.26 OBIII
5.80 3.20 -4.84 12.6 -84 28 -134 27 3 70 -0.91 0.18 E?
6.26 1.54 -6.07 15.8 42 29 102 29 128 50 0.60 0.27 OBIII?
6.38 6.33 0.81 14.9 -163 29 44 28 208 54 0.38 0.17 OBIII?
7.11 6.96 1.43 15.5 -104 30 -42 30 -12 71 -0.18 0.27 OBIII
7.45 -4.07 -6.24 15.3 31 30 91 33 83 50 -0.25 0.32 OBIII?
7.87 -7.76 1.36 10.6 162 53 152 49 148 50 -0.80 0.22 OBIII?
8.19 -4.81 6.63 15.8 54 32 28 33 229 51 -0.99 0.53 OBIII
9.73 -6.32 -7.39 12.6 52 39 -95 37 108 51 0.93 0.35 OBIII?
detailed discussion). There is also one additional ten-
tative WC candidate (IRS 7SE2).
Tanner et al. (2006) classify the 6 bright Ofpe/WN9
(narrow emission line stars and LBV candidates from
Paumard et al. 2001) as B stars on the basis that they
do not detect N III λ 2.116 µm emission in these stars.
They also do not detect the He I complex at 2.113 µm
for the variable star and best LBV candidate IRS 34W
(Trippe et al. 2005), in contrast to the other 5. How-
ever we clearly detect these features although the He I
feature is mostly in emission (with some P Cyg absorp-
tion) in IRS 34W (see spectra in Paumard et al. 2004b
and Trippe et al. 2005).
Hanson et al. (1996) have suggested that these very
bright stars in the IRS 16 cluster might be OBN stars.
OBN stars are particular kinds of O and B stars which
show unusually strong N lines in the optical. They are
also known to show unusually strong He lines, and to
be particularly bright because of a lower atmospheric
opacity (Langer 1992). Indeed, the strengths of the
2.115 µm N III compound and the 2.163 µm He I 7–
4 absorption, relative to Brγ, in the average spectrum
of the newly detected supergiants in Fig. 2 suggests
that many of the luminous OB stars in the central par-
sec are nitrogen and helium rich. An extreme case is
IRS 16CC where the He I absorption line at 2.163 µm
is almost as deep as the Brγ line. The only stars of
the Hanson et al. (1996, 2005) atlases to show compa-
rable depth in He I λ 2.163 µm are HD 191781 and
HD 123008, two ON9.7 Iab stars. Detailed model-
ing of our new stars is ongoing (Martins et al. 2006).
Preliminary results seem to confirm a He enrichment
(He/H≃ 0.3± 0.1) for the ‘average’ star. This is still
compatible with standard evolutionary models with ro-
tation, though. Based on simple morphological argu-
ments, the stronger absorption in He I λ 2.163 µm
in IRS 16CC and IRS 16SSE2 may indicate an even
larger helium enrichment, which could be in conflict
with theoretical predictions. More work is definitely
needed to draw any reliable conclusion.
All these evolved stars are included in Tables 2 and
3. In total, Table 2 lists 90 certain detections of early
type stars. Table 3 has an additional 14 further candi-
dates. More than 100 early-type stars have now been
detected in the nuclear star cluster, and this number is
expected to grow in the next years.
3.2. Dynamics of the Young Stars
3.2.1. Two Disks of Early Type Stars
Genzel et al. (1996) were the first to note that the
twenty or so bright ‘HeI’ emission line stars between
10
p = 1′′ and 12′′ known at that time exhibit a coherent
rotation pattern in their radial velocities. Stars north of
the center are blue-shifted while stars south of the cen-
ter are red-shifted. This pattern is opposite to Galac-
tic rotation. Genzel et al. (2000) and Paumard et al.
(2001) confirmed and extended these findings. Adding
proper motions to the radial velocities allowed a more
constrained analysis (Genzel et al. 2000, 2003; Levin
& Beloborodov 2003). In the end, Genzel et al. (2003)
considered 26 stars with 3D velocity. They used j, the
normalized angular momentum with respect to the line
of sight, to demonstrate the existence of two coherent
star systems (Appendix B, eq. B1) on near tangential
orbits in projection (| j| ≃ 1), one rotating clockwise
( j ≃ +1), the other counter-clockwise ( j ≃ −1). Us-
ing a χ2 argument proposed by Levin & Beloborodov
(2003; eq. B2), they show that both systems fit disk
solutions. 12–14 stars form the clockwise system. It
is rather thin and its midplane has an inclination of
i = 120◦±7◦ with respect to the plane of the sky and a
half-line of ascending (=receding) nodes at Ω = 120◦±
15◦ east of north (the actual numbers quoted in Genzel
et al. 2003 are different because of different conven-
tions; a detailed definition of those used in the present
paper is given in Appendix A). The corresponding nor-
mal vector is n = (nx,ny,nz) = (−0.43,−0.75,+0.50)±
(0.23,0.17,0.11). This system is the one found ear-
lier by Levin & Beloborodov (2003). The second,
counter-clockwise system in Genzel et al. (2003) is
new, counts 10–12 stars, is thicker, and has i = 40◦±
15◦ and Ω = 160◦± 15◦ (n = (−0.6,−0.22,−0.77)±
(0.25,0.23,0.17)). The two systems are at large angles
relative to each other (87◦±36◦). Tanner et al. (2006),
adding 7 radial velocities and improving on others,
also fit disk solutions on their data (10 stars in the
clockwise system, 5 in the counter-clockwise). They
find disk solutions in good agreement with their prede-
cessors: n = (−0.42,−0.65,+0.76)± (0.05,0.03,0.06)
and (−0.23,−0.08,−0.97)±0.13 (after normalization).
From the rather high reduced χ2 they get, they con-
clude that the disks must be somewhat thicker than
previously thought, although they make no quantita-
tive statement.
Our new data increase the number of stars and the
quality of the velocity measurements very substan-
tially. In Fig. 3 we plot the same j vs. p (the pro-
jected distance from Sgr A*) diagram as in Genzel et
al. (2003), adding our new stars. We exclude stars in
the central ‘S’-cluster (p ≤ 0.8′′) that appear to be on
randomly oriented, elliptical orbits (Ghez et al. 2005;
Eisenhauer et al. 2005). For p ≥ 8′′ the velocities are
smaller and proper motion uncertainties increase. As
a result the typical uncertainty in j increases to ±0.3–
0.5 and a detailed analysis is not possible. For this
reason we consider in the right panel of Fig. 3 the his-
togram of j values for the 59 quality 1+2 stars for the
range 0.8′′ ≤ p≤ 8′′. We compare the distribution for
the early type stars to the distribution of 102 late type
stars with mK > 11.5 in the same range, which serve as
a template for a relaxed distribution. 81% of the early
type stars move on near-tangential orbits (| j| > 0.6).
This is to be compared to 59% for the late type stars.
Early type stars clearly are preferentially on tangential
orbits.
The clockwise system (CWS) at j ≃ +1 is partic-
ularly striking and now contains 36 (40) quality 1+2
stars with | j| ≥ 0.6 and p ≤ 8′′ (14′′). The counter-
clockwise system (CCWS) is less well populated with
12 (17) stars with the same quality criteria and limits
Fig. 3.— Left: Distribution of projected and nor-
malized angular momentum on the sky j = Jz/Jz,max
(eq. B1) for the early type stars as a function of pro-
jected separation p from Sgr A* (for p > 0.8′′). In
this diagram stars on projected tangential, clockwise
orbits are at j ≃ +1 while stars on tangential, counter-
clockwise orbits are at j ≃ −1. Stars at j ≃ 0 are on
projected radial orbits. Filled circles denote the high-
est quality (2) spectroscopic stars and open squares
denote moderate quality (1) stars. A diagonal feature
(DF) is apparent on this diagram. It seems statistically
significant, but we have no physical unique interpre-
tation to suggest. Right: histogram of the j distribu-
tion of the quality 1–2 spectroscopic stars integrated
over 0.8′′ < p < 8′′ (N = 59), compared to a sample of
N = 102 mK > 11.5 spectroscopic late type stars that
should be close(r) to relaxation.
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as above. In fact compared to the late type distribu-
tion in the right hand inset of Fig. 3 the enhancement
in counter-clockwise stars at | j| ≥ 0.6 would not ap-
pear statistically significant. We show below, however,
that the counter-clockwise stars do indeed lie in a com-
mon plane, just as the clockwise stars and in contrast
to the late type stars selected with the same criteria.
There are ≃ 10 stars at p < 8′′ with small projected
angular momentum. Of these, several have large error
bars in j and could still be part of the two tangential
systems. However, it is interesting to note that these
≃10 stars with 0.8′′ < p < 8′′ and | j| < 0.6 lie with
a fairly small scatter around a diagonal line that runs
from (p = 0′′, j = 0.6) to (p = 6′′, j = 0). Therefore this
group of stars seems to have some statistical signifi-
cance, although its physical meaning is not yet clear.
We will later refer to these stars as the diagonal feature
(DF) stars, as they share other noteworthy characteris-
tics.
The χ2 approach used by Levin & Beloborodov
(2003) and Genzel et al. (2003) has the drawback that
it is somewhat indirect. In the following we will use
a different way of looking for disk structures in our
stellar data. This new method is easy to visualize and
can demonstrate the existence of a disk independently
from the determination of its parameters. We show in
Appendix B (eq. B6) that, in the plane spanned by ϕ
and cotanθ (ϕ and θ being the spherical coordinates
of the velocity vectors), stars located in a planar struc-
ture must exhibit a telltale cosine pattern. Figure 4
shows the results if stars are coarsely separated into
CWS, CCWS and DF stars. Beside the value of j
( j < 0 for CCWS, j > 0 for CWS, and | j| < 0.6 for
DF stars), the only criteria we used was the quality
of the data for selection (or rejection), as determined
from the average significance of the 3 space veloci-
ties (∑k=x,y,z vk/σvk)/3 and the significance in the de-
termination of sign j ( j/σ j), and the projected distance
p from Sgr A*. As velocities decrease with p and
proper motion uncertainties increase with p, the qual-
ity of the velocity and j determinations decrease with
p. We find that quality 2 stars with velocity and j sig-
nificances > 3.5σ give by far the best determination
of ϕ and θ. This essentially selects stars at | j| > 0.6
and p < 7′′ into the two tangential systems. The DF
is defined only by | j| < 0.6 and p < 8′′. In addi-
tion we also considered more relaxed selection crite-
ria (≥ 2σ). Our main finding is that there definitely
are two well defined planar structures, at large angles
with respect to each other (115◦±7◦), in the early type
star data. One at i = 127◦± 2◦ (1σ), Ω = 99◦± 2◦
(n = (−0.12,−0.79,0.60)± 0.03) fits all the clockwise
stars with our quality criteria but one, which is indeed
a DF star (3). Again, this is the clockwise disk already
found by Levin & Beloborodov (2003).
The second structure at i = 24◦±4◦, Ω = 167◦±7◦
(n = (−0.40,−0.09,−0.91)± (0.07,0.06,0.03)) fits the
all the counter-clockwise stars (a few appear as outly-
ers but they have large error bars). This second plane is
coincident with the second plane identified by Genzel
et al. (2003). Remarkably it also fits very well 8 of the
11 DF stars. 4 of the DF stars are compatible with both
disks, 1 fits the CWS much better, and 1 (IRS 16SSW)
appears to fit neither. Several of the 5 DF stars that
fit best the CCWS have j > 0, and therefore seem to
counter-rotate in the disk in which they fit best, but
j < 0 is not excluded by more than ≃ 1.5σ.
Most of the bright stars in the so-called ‘IRS 16’
complex a few arcseconds east and south-east of
Sgr A* are part of the clockwise system. This includes
−1.0−0.50.00.51.0
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Fig. 5.— Various planar structures in the Galactic Cen-
ter (Table 4): the Galaxy and sky (black), the clock-
wise (blue) and counter-clockwise (red) stellar sys-
tems, the Northern Arm (green) and Bar (cyan) com-
ponents of the ionized mini-spiral, and the circum-
nuclear disk (CND) of molecular gas (magenta). Each
plane is represented by one ring. The thickness of the
ring figures the proximity to the observer. Arrows in-
dicate the direction of rotation.
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Fig. 4.— Location of various stellar populations in the ϕ–cotanθ plane described in Sect. 3.2.1 and Appendix B (eq.
B6): upper-left: clockwise early-type stars ( j > 0); upper-right: counter-clockwise early type stars ( j < −0); lower-
left: diagonal feature stars (see Fig. 3: | j|< 0.6, p< 8′′); lower-right: counter-clockwise late type stars. Thick dots are
quality 2 stars with > 3.5σ (average) detections of the 3 space velocities and (except for the DF stars) determination
of j. Thin open circles are stars that have somewhat relaxed significance criteria (2σ). The thick dashed line is the
best fitting clockwise disk (i = 124◦, Ω = 99◦) and the thick continuous line is the best fitting counter-clockwise disk
(i = 24◦, Ω = 167◦). The small crosses denote Monte-Carlo simulations (≃ 103 stars) of two disks with these parameters
and a Gaussian distribution of opening angles (σ = 14◦ and 20◦ respectively).
IRS 16C and IRS 16SW. Several stars in the IRS 13E
complex, as well as IRS 16NE and IRS 16NW are part
of the CCWS. In Table 4, we list the various planar
structures in the Galactic Center, including the clock-
wise and counter-clockwise systems. Figure 5 illus-
trates the relative orientation of these planes. Although
the CND and the Northern Arm of Sgr A West are at
relatively low inclination to the plane of the Galaxy,
it is clear that the two stellar disks, the Bar of Sgr A
West and the Galactic plane are all quite different from
each other.
Basically the same results are obtained from the
alternative and independent method of Levin & Be-
loborodov (2003; eq. B2). For the CWS, this method
gives i = 124◦ ± 2◦ and Ω = 100◦ ± 3◦ and for the
CCWS i = 30◦± 4◦ and Ω = 167◦± 9◦.
Beloborodov et al. (2006, submitted) make a de-
tailed analysis of the innermost region of the CWS
(p < 5′′) using the “orbital roulette” method (Be-
loborodov & Levin 2004), which allows them to derive
an independent estimate of the mass of Sgr A*. This
part of the CWS appears quite thin: 10± 4◦. The best
fit plane is then n = (−0.14,−0.86,+0.50). In Table 2,
we list the z coordinate they derive for this solution.
3.2.2. The Disks Have Moderate Geometric Thick-
ness
The best fit χ2r values range between 2.3 and 3.1 for
both disk systems, and for both equations B6 and B2.
The disks are very well defined but the data require a
finite thickness. If lower quality stars are added for the
fitting the resulting χ2r increases to values above 4. We
interpret this effect as likely being caused by additional
systematic uncertainties in velocity determinations, es-
pecially for stars at p > 6′′ and for stars with poorer or
broader spectral features.
We have carried out Monte-Carlo simulations to
determine the geometric thickness of the disks. We
computed the location of ≃ 103 stars each in the ϕ–
cotanθ plane, assuming a normal distribution for the
orbital inclinations to the system’s midplanes. We
have varied the σi width of these distributions and
also taken into account the errors in the velocity de-
terminations. We then compared the resulting model
disks with the data to determine the best fit distribu-
tions (Fig. 4). For the clockwise set the best fitting
value is σi = 14◦± 4◦ (〈|h|/R〉 = 0.12± 0.03). For the
best 11 counter-clockwise stars, the best fit thickness is
19◦±10◦ (〈|h|/R〉= 0.16±0.06). The two stellar disks
have significant but moderate geometric thickness.
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TABLE 4
PLANAR STRUCTURES IN THE GALACTIC CENTER
Name Ω ± i ± nx ± ny ± nz ± Ref.
CWS 99 2 127 2 -0.12 0.03 -0.79 0.03 +0.60 0.03
CCWS 167 7 24 4 -0.40 0.07 -0.09 0.06 -0.91 0.03
Galaxy 31.4 0.1 90 0 +0.85 1e-3 -0.52 1e-3 +0.00 0.00 1
Northern Arma 15 15 50 30 +0.74 0.34 -0.20 0.28 -0.64 0.40 2
Barb 115 · · · 76 · · · -0.41 · · · -0.88 · · · -0.24 · · · 3
CND 25 · · · 70 · · · +0.85 · · · -0.40 · · · -0.34 · · · 4
NOTE.—The parameters listed here are defined in Appendix A. They give the orientation of the
given disks as two angles, and as one normal vector. Values from other papers have been translated
into our conventions.
aNorthern Arm of the mini-spiral; values are approximate averages for the best defined part (index<
30) on Fig. 6 in (2).
bBar of mini-spiral.
References. — (1) Reid & Brunthaler (2004); (2) Paumard et al. (2004b); (3) Liszt (2003); (4)
Jackson et al. (1993).
3.2.3. Steep Radial Density Profile and Inner Cutoff
We have estimated the 3D position of each star by
assuming it is on the corresponding system’s midplane
or, in other words, under a a very thin disk model
assumption. The thickness of the disk introduces an
error. The projected position on the CWS midplane
of a CWS star at the average elevation is offset by
≃ 0.1R perpendicular to the line of node (0.07R for the
CCWS). This effect can be in either direction though,
depending on whether the star is in front or behind the
midplane. Therefore, on average, this effect does not
introduce a significant bias.
We have then calculated the surface density distri-
bution as a function of true radius for stars with quality
2 and with v and j significance > 1.5σ in the clock-
wise and counter-clockwise systems. Figure 6 shows
the results. The clockwise disk has a well defined
power-law, surface density distribution with an index
of ≃ −2. There is a very well delineated inner cutoff,
at p ≃ R ≃ 1′′. It is striking that this inner cutoff ap-
pears to coincide almost exactly with the outer radius
of the central S-cluster of randomly oriented B-stars
(Eisenhauer et al. 2005). The CCWS has a larger in-
ner cutoff (≥ 2′′) such that it appears to be more like
a ring centered at R ≃ 4′′, but this inner radius comes
down to roughly the same as that of the CWS when
including the DF stars (0.8′′ < p < 8′′ and | j| < 0.6).
Outside of this inner edge, however, its surface density
distribution is very much the same as that of the clock-
wise system. The larger number of stars of the CWS
as compared to the CCWS (excluding DF, factor≃2.5)
thus is mostly the result of the former extending much
further inward than the latter.
In addition to this, Fig. 1 shows already very clearly
that the early type stars all reside in the central p≃ 13′′
(≃ 0.5 pc) region despite our searches over a much
larger region, and in several directions. This non-
detection of OB stars is a quite robust result. In par-
ticular, in the strip stretching from y ≃ 7′′ to 24′′ di-
rectly north of Sgr A*, the effective magnitude limit
(for significant detection of spectroscopic features in
early type stars) in this field is ≃15.5 across the entire
field (≃110 square arcseconds) and > 17 in two deep
subsections of about 20 square arcseconds (Maness et
al. 2005, in preparation: Fig. 1). This region is close to
the visible AO reference star so that the achieved Strehl
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ratio was high throughout the observations. Judging
from the extinction map of Scoville et al. (2003)
the excess K-extinction due to local dust is < 1 mag
throughout this region. This puts a 1σ upper limit of
≃ 10−2 per arcsec2 for O and early B stars outside the
cutoff radius of p ≃ 13′′. Over the > 200 arcsec2 re-
gion outside p ≃ 13′′ covered by the shallower (spec-
troscopic K limiting magnitude ≃ 13) but wider large
scale mosaics a similar limit is deduced. This upper-
limit is consistent with, and strengthens, the R−2 den-
sity profile extrapolated to p > 13′′.
3.2.4. Isotropic Azimuthal Structure
Figure 7 shows the azimuthal distribution of the
stars in the clockwise and counter-clockwise systems
when viewed from the pole of the two systems under
Fig. 6.— Surface density of stars in the clockwise
(filled squares) and counter-clockwise (open circles)
disk systems, as a function of 3D radius from Sgr A*
and derived in the framework of a ‘thin disk’ model.
The surface density distribution of the clockwise stars
can be well fit by an extended disk with a sharp in-
ner edge at R ≃ 1′′ and a surface density decreasing
outward proportional to R−2. The counter-clockwise
system more resembles a ring at R≃ 4′′ (or has a large
inner edge of about 2′′) but with the same outward sur-
face density falloff as the clockwise system. No OB
stars are seen outside about p ≃ 13′′ (Fig. 1) despite
the deep continuous coverage in the northern strip and
deep fields.
the model assumption of very thin disks. Again, the
radial distribution discussed in the last section, includ-
ing the ≃ 1′′ sharp inner edge of the CWS and the ten-
dency of stars in the CCWS to be at large radii, per-
haps in a ring-like shape, are apparent. The graphs
also clearly show that the azimuthal stellar distribution
is azimuthally symmetric to within the still fairly lim-
ited statistics of the data. Apparent local ‘concentra-
tions’ exist but because of small numbers they are all
consistent with statistical fluctuations.
This conclusion is somewhat in contrast to the work
of Lu et al. (2005) who have argued that the concen-
tration of 5 stars near IRS 16SW (≃ 1.5′′E, 1.5′′S of
Sgr A*) may be the surviving core of a compact clus-
ter. Their main argument is that the local 2D velocity
dispersion is at a global minimum on this group. While
a group of 4–6 stars corresponding to this ‘IRS 16 co-
moving group’ is clearly visible in the left inset of
Fig. 7, to the left and down from center, there are sim-
ilar such groupings elsewhere in the disk, of similar
(low) statistical significance. However, what makes
IRS 16 different from other locations in the field is the
presence of a ‘hole’ in the CCWS at the same projected
location (this hole also has very low statistical signif-
icance). Therefore, Lu et al. (2005) probably happen
to be measuring the true velocity dispersion within the
CWS at the location of IRS 16, whereas elsewhere,
their measurement must include stars from the CCWS,
Fig. 7.— The azimuthal distribution of the stars in the
clockwise ( j > 0, left inset) and the counter-clockwise
( j < 0, right inset) systems. Filled circles denote the
positions of the best stars (> 1.5σ significance of z-
determination) in the ‘thin disk’ model. Open circles
denote the second best stars. The red circles denote
the inner edges (1′′ for the CWS, 2′′ for the CCWS).
The blue and purple circles have radii of 6′′ and 12′′
respectively.
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and therefore naturally be higher.
Another interesting grouping of about 3 to 5 early
type stars in a region of less than 1′′ is IRS 13E, ≃
4′′ south-west of Sgr A*, in the CCWS. This group
has attracted recent interest, owing to the proposal by
Maillard et al. (2004) that it may be stabilized against
tidal disruption by an IMBH. We will return to this
region in a separate section (3.3).
3.2.5. Circular and Non-Circular Motions in the
Disks
In this section we estimate the eccentricities of the
stellar orbits in each disk. This eccentricity is straight-
forward to derive once the line-of-sight position (z) of
a star is known (assuming the potential well and the
distance to the GC, R0, are known). We have used
Monte-Carlo simulations to derive estimates of the ec-
centricity e of each star, under the assumption that it
belongs to one of the two disks. The method we used
is described and discussed (including its limitations)
in Appendix C. We produced artificial data sets under
various assumptions to validate the method. The in-
dividual estimates we derive are listed in Table 2, and
their histograms for the CWS and CCWS are shown
on Fig. 8. The completely independent method used
by Beloborodov et al. (2006, submitted) also allows
them to derive stellar eccentricities. The two methods
agree well on the individual values.
These histograms show that the distributions of ec-
centricities of the two systems are quite different. The
CWS is made of stars on low to medium eccentricities
(. 0.5). For this system, we find only slightly higher
eccentricities than what we would derive for a system
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Fig. 8.— Eccentricity distributions in the CWS (left)
and CCWS (right) disks, for both the real data sets
(outlines; all stars with v and j significance > 2σ) and
artificial data sets for which all stars are assumed to be
on circular orbits (filled histogram).
with the same geometry, on which all the stars would
be on circular orbits. The distribution peaks around
e = 0.2, which is expected given the thickness of the
disk (tan14◦ ≃ 0.25). The CWS is essentially in low
eccentricity, close to circular motion.
On the other hand, the CCWS contains a few
low-eccentricity stars, including a peak around e =
tan19◦≃ 0.35, but is dominated by a high-eccentricity
(e≃ 0.8) population. Three of these stars belong to the
IRS 13E complex (Sect. 3.3), but even when counting
these three stars as a single dynamical entity, the con-
clusion remains that the CCWS is essentially in non-
circular motion. The same work performed for the
DF stars shows that if these stars live on either of the
disks, then most of their eccentricities have to be quite
high (very close to 1). These high eccentricity stars
are definitely bound to Sgr A*.
3.3. IRS 13E: a dissolving star cluster and/or the
site of an intermediate mass black hole?
The compact, bright source IRS 13E, 3′′ west
and 1.5′′ south of Sgr A*, merits special discussion.
IRS 13E has several properties that tend to make it
unique in the central cluster. It
1. is associated with a bright peak of dust and ion-
ized gas emission in the mini-spiral, at the edge
of the so-called ‘mini-cavity’ (e.g. Clenet et al.
2004; Paumard et al. 2004b);
2. harbors at least 3 bright stars within a radius of
0.25′′ (Paumard et al. 2001);
3. is associated with a point-like X-Ray source
(Baganoff et al. 2003; Muno et al. 2005);
4. is associated with a compact centimeter radio
source (Zhao & Goss 1998);
5. is dynamically coherent in that its bright early
type stars participate in a similar 3D space mo-
tion (Maillard et al. 2004; Schödel et al. 2005).
Maillard et al. concluded that IRS 13E consists of at
least 7 stars, out of which 4 have highly correlated
sky velocities. From the radial velocity difference be-
tween two of the sources, they inferred an enclosed
mass in excess of 103 solar masses to bind the cluster.
They argued that such a mass could not be accounted
for by (lower mass) stars in the cluster and that the
cluster might contain an intermediate mass black hole
(IMBH) and be the remaining core of an in-spiraling
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star cluster disrupted in the central parsec and stabi-
lized by this IMBH. On the basis of somewhat higher
resolution images and more accurate proper motions
Schödel et al. (2005), using 4 sources, concluded that
IRS 13E could either be a local concentration of stars
in the counter-clockwise disk or a dissolving cluster
core. By setting a lower limit to the mass of a stabiliz-
ing intermediate mass black hole of 104M⊙ they felt
that the presence of such an object is quite unlikely for
two reasons. First, such a massive black hole is not
easy to form as a result of core collapse even in a very
massive (106M⊙) in-spiraling cluster, as core collapse
typically creates a central concentration no more mas-
sive than ≃ 10−3 of the original cluster mass (Porte-
gies Zwart & McMillan 2002). Second, an intermedi-
ate mass black hole with a mass in excess of 104M⊙
would be inconsistent with the 2 km s−1 proper mo-
tion velocity limit perpendicular to the Galactic plane
deduced by the VLBA observations of Reid & Brun-
thaler (2004).
3.3.1. IRS 13E is not a background fluctuation
In the following we will first use a statistical ap-
proach to determine through stellar counts whether the
IRS 13E group can be a chance association of stars in
projection. Figure 9 shows a very deep H-band image
we have constructed from a combination of four high
quality NACO images in 2003 (March and May) and
2004 (June and September). Each of these images was
individually ‘cleaned’ from the ‘dirty’ AO PSF with
the Lucy-Richardson algorithm and then re-convolved
with a 40 mas FWHM Gaussian. For this purpose
we constructed a template PSF from isolated bright
stars across the ≃ 3.5′′ field. The co-added image
was then again deconvolved with a Wiener filter with
a PSF constructed from fainter isolated stars immedi-
ately around IRS 13E. The final image shown in Fig. 9
has a dynamical range of 9 mag and the faintest sig-
nificant stars have equivalent K-magnitudes of≃ 19.5.
We then used STARFINDER (Diolaiti et al. 2000) to
find and determine the photometry of all stars in the
field. We computed the surface densities for a circular
aperture of radius 0.68′′ centered on and encompass-
ing the core of IRS 13E, as well as for the rest of the
3.2′′× 3.2′′ region shown in the figure. Fig. 9 lists the
surface densities (and their 1σ uncertainties) to an H-
magnitude limit of 20.4 (mK ≃ 18.5). In parentheses
we also give the same results for the more conserva-
tive limit of mH ≃ 19.4. The stellar surface density in
the central aperture (31.7± 4.7 (17.9± 3.5) stars per
arcsec2) is 2.3 times greater than in the surrounding
region (13.1± 1.2 (7.9± 0.94) stars per arcsec2).
Evaluating the significance of this result requires
the careful use of Poisson statistics given our prior
knowledge. This computation is done in Appendix D.
We come to the conclusion that IRS 13E is very un-
likely a background fluctuation (a quite conservative
upper limit on the likelihood that this is the case is
0.2%). We thus concur with Maillard et al. (2004) that
IRS 13E is very probably a local overdensity of stars in
the CCWS. We further note that the surface densities
given above for the center of IRS 13E are higher than
anywhere but in the central cusp within 0.7′′ of Sgr A*
(Fig. 7 in Schödel et al. 2006, in prep.). There, the sur-
face density to mH = 19.4 is 32.3±4.7 stars per square
arcsecond, 1.8 times the value toward IRS 13E. Be-
cause of the crowding it is not possible to estimate an
mH < 20.4 surface density toward Sgr A*. Toward the
center of the IRS 16 region, for instance, the surface
densities to mH = 20.4 (19.4) are 11.4±1.3 (9.3±1.2)
stars per square arcsecond, rather similar to the aver-
age background density surrounding IRS 13E.
3.3.2. The IRS 13E cluster is on an eccentric orbit
We now return to the remarkable deviation from cir-
cular motion of IRS 13E as estimated from the Monte-
Carlo simulations in the last section (3.2.5). In the con-
text of the cluster scenario it is now possible to aver-
age the space motions of the 4 bright stars of IRS 13E
and obtain a more precise estimate for the motion of
the cluster: (x,y) = (−3.12′′± 0.10′′,−1.57′′±0.12′′),
(vx,vy,vz) = (−253± 62,57± 48,98± 21) km s−1. We
have also some more information on the line-of-sight
position of the cluster. First, three of the four bright
stars in IRS 13E (13E2, 3 and 4) are formally in the
counter-clockwise system (CCWS). 13E1 is formally
a DF star, and is also compatible with the CCWS (at
high eccentricity, though). In the framework of this
disk, IRS 13E is at z ≃ 1.5′′. Second, Paumard et
al. (2004) argue that IRS 13E is physically close to
the ‘Bar’ component of the ionized mini-spiral, which
they demonstrate is somewhat behind Sgr A*. Fur-
thermore Liszt (2003) proposes a model of the Bar
as a ring orbiting Sgr A* at 0.3–0.8 pc (7.7′′–20′′),
which would put IRS 13E at z = 6.8′′–20′′. It seems
therefore rather safe to assume that IRS 13E is at pos-
itive z. A distance of z ≃ 7′′ be in reasonable agree-
ment with both constraints (proximity to the Bar and
to the CCWS), with an orbial inclination to the CCWS
midplane iCCW ≃ 1.8–4.2 (1σ) times the CCWS half
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Fig. 9.— Left: Sensitive H-band image of the IRS 13E cluster region constructed from a combination of 4 NACO H-
band data sets. The brightest stars have mK ≃ 10.7 and the image has a dynamical range of≃ 9 mags. The central circle
centered on IRS 13E has a radius of 0.68′′. The main members of the IRS 13 group are labeled 1. . . 6 (nomenclature
of Maillard et al. 2004), with radial velocities given in parenthesis. Two other members of the counter-clockwise
system are in the image and are also marked by their radial velocities. Arrows indicate direction and magnitude of
proper motion (calibration in the upper right corner). The numbers next to the circle are the surface densities of
stars detected within it with the STARFINDER (Diolaiti et al. 2000) algorithm to mH = 20.4 and (in parenthesis)
mH = 19.4 (mK ≃ 18.5 and 17.5), along with their 1σ uncertainties. For comparison, we list the surface densities (and
uncertainties) to the same limits for the rest of the image shown. Right: surface density of stars to mH = 19.4, as a
function of separation from the center of IRS 13E at x = −3.12, y = −1.57. The dotted curve is fit to a cluster with
density profile ∝ 1/(r2 + r2core) and core radius rcore = 0.17′′.
opening angle. The same Monte-Carlo approach as
in Sect. 3.2.5 allows us to estimate the eccentricity of
the orbital motion of the cluster around Sgr A* as a
function of z (Fig. 10). Since we have just shown that
IRS 13E lies on the right-hand side of this diagram, we
can conclude that it is on a fairly eccentric orbit, with
e & 0.5.
3.3.3. Does IRS 13E Contain an IMBH?
We now ask the question of whether this cluster can
be stable without an IMBH at its core. The two ele-
ments to check are the tidal forces from Sgr A* and the
internal velocity dispersion. The distribution of stellar
surface density as a function of distance from the cen-
ter of IRS 13E reveals a very small effective core ra-
dius (at which the surface density has fallen to half its
central value), rcore ≃ 0.17′′ (0.0066 pc or 1,400 AU,
Fig. 9). After subtraction of the background, we count
12 stars to mH = 19.4 within ≃ 0.35′′ (≃2 core radii).
For the very simplified assumption that these stars
sample the mass function to ≃ 5.5M⊙ (ZAMS for
mH ≃ 19.4 at AK ≃ 3.2) and adopting a flat mass func-
tion with dN ≃ m−1.35dm (Sect. 3.5), the inferred stel-
lar mass within that radius is about 350±100M⊙. For
such a flat mass function the difference between that
mass and the mass extrapolated to 1M⊙ amounts to
about 30 solar masses only. On the other hand, stellar
crowding is an issue. Our star counts are unlikely to
be complete in the very center of IRS 13E and in the
vicinity of its brightest stars. Thus our mass estimate
is obviously a lower limit to the total stellar mass as-
sociated with the cluster, and the derived core radius is
probably an upper limit. The core density of IRS 13E
(> 3×108M⊙ pc−3) is higher than in any other known
cluster, except the cusp around Sgr A*.
IRS 13E is currently at & 4′′ from Sgr A*. At this
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distance, the tidal (‘Hill’) radius for such a mass is
rHill,IRS13E =
(
M∗
MBH
)1/3
R = 0.13′′M1/3∗400 (1)
where M∗ is the mass of the star cluster, MBH the
mass of Sgr A*, and M∗400 = M∗/400M⊙. The Hill
radius is in remarkably close agreement with the ob-
served core radius. However, the distance to take into
account is not the current one, but the periapsis dis-
tance. This parameter is poorly constrained from our
Monte-Carlo simulations. It appears that if the clus-
ter were would be on the CCWS midplane, then the
periapsis would be fairly small and the required clus-
ter mass high (& 104M⊙). On the other hand, requiring
IRS 13E to be (currently) close the the Bar as discussed
above allows the periapsis distance to be easily above
4′′. In this case, the inferred stellar concentration to-
ward IRS 13E may thus be stable against tidal forces,
or at least relatively long-lived, without the need for an
IMBH.
Fig. 10.— Monte-Carlo simulation of the eccentricity
of the IRS 13E group motion. Given the known distri-
bution of probability for the accessible parameters (R0,
MSgrA∗, x, y, vx, vy, vz), we have computed the distri-
bution of probability for e as a function of z (shading).
The two curves trace the 2 and 3σ lower limits on e.
The map is not corrected for the low number depletion
issue (Appendix C). The data would be compatible
with circular motion if z ≃ −5′′.
It is interesting to note that, with the same con-
straints on the current line-of-sight position as above,
we can estimate the date of the last periapsis passage
of IRS 13E to be ≃ 400–1000 yr ago. It is therefore
possible that the past event of AGN activity of Sgr A*
300–400 year ago (Revnivtsev et al. 2004) was linked
with the passage of IRS 13E at its periapsis.
The main argument in Maillard et al. (2004) and
Schödel et al. (2005) in favor of high cluster masses
(103 and 104M⊙ respectively) came from the velocity
dispersion inside the cluster. We still have 3D veloc-
ities only for four ‘stars’ in the cluster, one of which,
IRS 13E3, is not even a single object but the red core
of the cluster, resolved as two sources (3A and 3B) in
Maillard et al., and that we see as no less than seven
source in the present work. This source should there-
fore be discarded from velocity dispersion analyses,
and we remain with only 3 stars. Our study shows
that even though IRS 13E constitutes an over-density
in the central parsec, more than one star out of three in
the aperture do belong to the background population
rather than to the compact cluster. For this reason, any
measurement of the velocity dispersion should be con-
sidered with caution. In particular, IRS 13E1, which
drives the high value found by Schödel et al. (2005),
is formally a DF star rather than a CCWS star and
has (when studied independently) a higher eccentric-
ity than the other 13E stars. It is possible that this star
is not bound to the cluster. We thus take the conserva-
tive position that the evidence for a central dark mass
in IRS 13E from the proper motion data presently is
not strong.
3.3.4. Formation Scenario
Although the IRS 13E over-density and the ring-
like structure of the CCWS centered on the radius of
IRS 13E may appear to favor a dissolving cluster sce-
nario, it is also compatible with the idea of a star clus-
ter formation in situ, within an accretion disk or disper-
sion ring. If IRS 13E has grown from gravitational in-
stability in the original counter-clockwise gas disk the
maximum ‘isolation mass’ that could have collapsed
to the present cluster is approximately the mass con-
tained within the annulus of radial thickness 2 rHill,
Misolation = AM3/2diskM
−1/2
BH , (2)
where A is between 4 and ≃30 (Lissauer 1987;
Milosavljevic & Loeb 2004). Taking a disk mass of
5000M⊙ (Sect. 3.5) and MBH = 4× 106M⊙ this iso-
lation mass is at least 700M⊙. Our estimated stellar
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mass thus is also consistent with the concept of local
cluster formation within the counter-clockwise disk, in
agreement with the proposal by Milosavljevic & Loeb
(2004).
Overall, it appears that the various pieces of evi-
dence argue for a cluster mass of order 103M⊙, and
that this mass can consist in stars, without a black hole.
There is some indication, but no firm evidence, for a
higher mass. In particular, if IRS 13E is a concen-
tration in the CCWS, we would expect it to be close
to the CCWS midplane. This would require a mass
& 104M⊙. Further progress will require more proper
motions and radial velocities for the individual faint
stars in the cluster.
3.4. Stellar Content: the Disks Are Coeval And
≃6 Myr Old
Wolf-Rayet (WR) stars of different sub-types ap-
pear at different ages. The number ratios of these sub-
types in a coeval population of stars thus give informa-
tion on the properties of the star forming event leading
to the observed population, in particular its age (Mas-
Hesse & Kunth 1991, Vacca & Conti 1992, Schaerer et
al. 1997). The evolution of massive stars and the pres-
ence of a WR phase are controlled by stellar winds,
which depend on metallicity. In principle the number
ratios of WR to O stars can thus also trace the metal
content. However, the strong effects of rotation on the
evolution of massive stars modify the duration of the
different phases of massive star evolution, especially
for the WR phases (Meynet & Maeder 2003; Maeder
& Meynet 2004). Rotation varies from star to star, and
the predicted number ratios are affected by this natural
spread.
Tables 5 and 6 list the numbers and relative frac-
tions of the different sub-types of early type stars in
the two stellar disks. Compared to observations in
other star forming regions, the WR/O star fraction in
the Galactic Center disks is remarkably high. This is
partly a selection effect: our number counts are more
complete for the supergiants and WN stars than for the
dwarfs, WC and WO stars. To first order, the fraction
of different types of post main-sequence supergiants
and WR stars is strikingly similar in the two disks.
The fraction of OB (I–V) stars appears to be some-
what higher in the clockwise system, which may also
have a marginally greater fraction of OB supergiants.
The striking resemblance in content of massive stars
strongly suggests that the two stellar disks are basi-
cally coeval (Genzel et al. 2003).
3.4.1. Population Synthesis
From these ratios, we can attempt to estimate the
age and star formation history of the two disks. In or-
der to investigate the physical properties of the stellar
population more quantitatively, we computed popula-
tion synthesis models for a determination of the ex-
pected number ratios under various conditions (star
formation history, metallicity, initial mass function).
Technical details on the method, based on the synthe-
sis code developed by Schaerer & Vacca (1998), are
given in Appendix E.
The constant star formation case can easily be ruled
out since none of the predicted number ratio matches
the data. In particular, we do not detect any O3–6
stars. A burst of star formation is clearly preferred.
Fig. 11.— Number ratios of different types of mas-
sive stars as a function of time under the assumption
of a single burst of star formation. The adopted initial
mass function has a slope of 2.35, a lower mass limit
of 1M⊙ and an upper mass limit of 100M⊙. We have
used Geneva evolutionary tracks with rotation for solar
(dotted line) and twice solar metallicity (dashed line).
The horizontal solid lines correspond to the observed
values and are upper limits. The second peak in the
WR/O ratio is due to massive stars experiencing a blue
loop.
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TABLE 5
NUMBERS AND FRACTIONS OF EARLY TYPE SUB-CLASSES IN THE TWO DISKS
clockwise counter-clockwise
Type Number fraction uncertainty number fraction uncertainty
OB I/II 18 0.36 0.08 3 0.15 0.09
OB III/V 13 0.26 0.07 6 0.30 0.12
Ofpe/WNL 12 0.24 0.07 5 0.25 0.11
WNE 1 0.02 0.02 0 0.00 0.00
WC 6 0.12 0.05 6 0.30 0.12
Sum 50 20
TABLE 6
RATIO OF DIFFERENT SUB-TYPES
Type 1/ Type 2 Clockwise Counter-Clockwise All
WR/O 0.61 1.22 0.75
WR/(WR+O) 0.38 0.55 0.43
WNL/(WR+O) 0.24 0.25 0.24
WNE/(WR+O) 0.02 0.00 0.01
WC/(WR+O) 0.12 0.30 0.17
WC/WN 0.46 1.2 0.67
Figure 11 shows the results for such a scenario and
a Salpeter initial mass function (IMF). We see that the
data are compatible with an age ranging between 4 and
9 Myr. In fact, most of the ratios point to an age of 7–
8 Myr except WC/WN which is also compatible with
younger ages (≃4–5 Myr). All ratios involving O stars
are certainly upper limits, and as such indicate that the
deduced age of 7–8 Myr is an upper limit.
The number ratios presented in Fig. 11 are usually
higher when Z is larger. However, in most of these dia-
grams we see that the age derived from the solar metal-
licity case is similar to the one derived from the twice
solar metallicity case. The only exception is the ratio
WC/(WR+O) for which the Z⊙ model predicts values
lower than what we observe. This may be an indica-
tion that Z in the central cluster is slightly super solar,
but given the uncertainty in the current observed num-
ber ratios of WR to O stars, this needs to be confirmed
by much more robust analyses.
Choosing a burst of star formation with finite dura-
tion has the effect of shifting the time scale by 2 Myr
but does not change significantly the shape of the func-
tion giving the number ratios as a function of time.
We believe that a duration of ≤2 Myr is quite con-
sistent with our data. Longer bursts would also create
large numbers of red supergiants. Only three such su-
pergiants (IRS7, IRS19 and IRS22, Blum, Sellgren &
DePoy 1996) are observed in the central parsec.
As for the IMF, adopting a flatter one increases the
strength of the first “bump” around 4 Myr observed in
the evolution of the number ratios (Fig. 11), but does
not strongly modify the ratios at later epochs. For a
top-heavy IMF the number ratios of the CWS are con-
sistent with a burst of star formation≃ 4 Myr ago (the
solution at ≃ 6–7 Myr being still valid).
3.4.2. Hertzsprung-Russell diagram
We have also modeled the ages of the luminosity
class I–V OB stars directly by placing them on an in-
frared (IR) Hertzsprung-Russell diagram and compar-
ing the data with isochrones. This requires the knowl-
edge of both an absolute luminosity (or magnitude)
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and effective temperatures for all stars (Appendix F).
We restricted ourselves to the OB stars since for the
evolved massive stars (Ofpe/WN9 and WR stars), no
calibration of effective temperature as a function of
spectral type exists (mainly due to the strong effect of
winds on the stellar properties of such objects). We
excluded from our analysis those stars for which the
spectral classification is uncertain. We also excluded
the S stars near the central black hole.
The results are shown in Fig. 12. Overplotted are
Geneva evolutionary tracks taken from the database
of Lejeune & Schaerer (2001). Isochrones for 4 and
8 Myr are also shown. We see that most of the stars
are located between these two isochrones. In partic-
ular, there are no stars on the left side of the bend at
logTeff ≃ 4.5 in the 4 Myr isochrones, showing that
the stellar population is older. There are a few outliers
– though with large error bars – cooler than the 8 Myr
isochrone, but an older age is not likely in view of the
presence of numerous WR stars not included in this
diagram for reasons highlighted above. The present
Fig. 12.— Location of the OB supergiants (blue dots),
giants (green squares) and dwarfs (red triangles) in an
IR Hertzprung-Russell diagram. The numbers indicate
the initial mass of the star on the tracks starting from
the ZAMS (thin solid line). The two thick solid lines
are two isochrones for 4 and 8 Myr. The tracks (vari-
ous dotted/dashed lines) are based on Geneva models
without rotation (Lejeune & Shaerer 2001).
age estimate confirms the result of the previous sec-
tion. The OB population in the Galactic Center is 4
to 8 Myr old. The fairly large age uncertainties are
inherent to our methods of assigning MK and Teff (Ap-
pendix F). The fact that two different studies give the
same result is rather convincing and reassuring.
In summary the stellar disks in the Galactic Center
have formed about 6± 2 Myr ago. They are coeval to
within about 1 Myr. The burst duration did not exceed
about 2 Myr. The present results thus are in excel-
lent agreement with the earlier findings of Tamblyn &
Rieke (1993) and Krabbe et al. (1995). Krabbe et al.
invoked a decaying burst of star formation 7 Myr ago
to explain the observed stellar population and its ion-
izing properties.
3.5. Flat Mass Function and Total Mass of the
Stellar Disks
In this section we use the stellar number counts as
a function of K-magnitude to constrain the (initial)
mass function of the young stars in the central par-
sec. In Fig. 13 we show two independent methods
for estimating the K-band luminosity function (KLF)
of the stars in the disks. Obviously the key issues are
the screening against late type, background interloper
stars and the determination of the number of early type
stars at the fainter levels (mK > 14–15) where the spec-
troscopy is not yet possible or incomplete. Filled cir-
cles in Fig. 13 denote the KLF constructed from the
deep counts from NACO H/Ks-band data in the IRS 16
region (size 2.5′′ × 2.5′′) and IRS 13E cluster (size
0.7′′, see Fig. 9) and assuming that extinction is con-
stant. We eliminated from those counts 11 stars which
are spectroscopic late type stars but otherwise assume
that the non-early type background toward these re-
gions can be neglected. The steep rise in the counts
probably indicates that this assumption is violated at
mK > 15. Our alternative approach (filled squares) was
to compute counts for the entire region 0.8′′ ≤ p ≤ 6′′
and require that the detected stars either are spectro-
scopic early type stars or (for the fainter stars) have
| j|> 0.6. This method thus suppresses the background
by taking advantage of the tangential motion of most
of the early type stars, in contrast to the late type stars
(Fig. 3). Again, the steep rise of the counts at mK > 15
probably signifies a dramatic increase in the interloper
background contribution. We note that for both meth-
ods the average ‘spectroscopic completeness limit’ is
13.5 to 14. The different slopes of the two observed
luminosity functions in the spectroscopically ‘safe’ re-
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gion at mK < 13 is possibly a result of a decrease in
average stellar luminosity with p. The two methods
more or less span the uncertainty box on the num-
ber of faint and bright stars to include in the lumi-
nosity function of the young stellar population. For
comparison, the thick continuous and dashed curves
show two model luminosity functions with different
mass functions. Both curves are based on the popu-
lation synthesis code STARS (Sternberg 1998; Stern-
berg, Hoffmann & Pauldrach 2003) with solar metal-
licity Geneva tracks and assume a burst model of age
Fig. 13.— K-band luminosity function. Filled cir-
cles and squares denote two ways of estimating the
K-band luminosity function of the early type stars.
The filled circles denote counts from the best high res-
olution H/K-band NACO images in the IRS 16 and
IRS 13 regions where spectroscopically identified late
type stars have been eliminated. The filled squares de-
note all stars with | j| > 0.6 and 0.8′′ < p < 6′′ that
are not spectroscopically identified as late type stars in
our proper motion/spectroscopic catalogue (Ott et al.
2005, in preparation). The thick continuous curve rep-
resents the KLF of a t = 6 Myr old cluster forming stars
over ∆t = 1 Myr burst with Salpeter initial mass func-
tion (dN/dm ≃ m−2.35), normalized to the average of
the observed counts in the mK = 14–15 bin. The long-
dashed thick curve denotes the KLF of a burst with the
same age and duration as above, but with much flatter
IMF (dN/dm≃ m−0.85).
6 Myr and duration 1 Myr compatible with the re-
sults of the last section. The continuous curve is for a
standard 0.7–120M⊙ Salpeter IMF (dN/dm≃ m−2.35),
while the dashed curve is for a much flatter mass func-
tion (dN/dm ≃ m−0.85). It is obvious that a Salpeter
mass function cannot fit the very flat counts toward
IRS 16/13E and does only marginally so for mK > 12.
Both observed luminosity functions show a large ex-
cess above the Salpeter model for mK < 11. However,
this range is dominated by very bright evolved stars
that may not be properly accounted for by the Geneva
tracks. Putting the largest weight on the more reliable
range 11 < mK < 14, which includes the OB dwarfs
and giants, we conclude that the data require a mass
function flatter than a Salpeter function by ≃1 to 1.5
dex.
With this result we can now estimate empirically
the total stellar mass in the two stellar disks. As before,
we exclude from the following discussion the cluster
of B-stars in the central cusp around Sgr A*. There
are in total ≃ 53 and 20 observed OB+WR stars (qual-
ity 1+2) in, respectively, the clockwise and counter-
clockwise systems. Recent stellar evolution models
with rotation by Meynet & Maeder (2003) and Maeder
& Meynet (2004) indicate that only stars more massive
than≃ 20–25M⊙ will go through the WR phase we ob-
serve in the Galactic Center. Likewise the faintest OB
stars we are able to detect in the GC must have zero age
main sequence masses in excess of about 20M⊙. We
thus assume that the observed OB and WR stars rep-
resent the (initial) mass range of 20–120M⊙. Adopt-
ing an initial mass function with a slope of Γ = −1.35
and -0.85 (dN/dm = mΓ) required to fit the K-band lu-
minosity function, the total mass in ≥ 20M⊙ stars is
2700–3100M⊙ for the CWS and 1000–1200M⊙ for
the CCWS (the corresponding numbers for a Salpeter
(Γ = −2.35) mass function would be 2100 and 790M⊙).
Extrapolating from the number of≥ 20M⊙ stars to the
entire mass range above ≃ 1M⊙ yields a total stel-
lar mass of 3800–3500M⊙ for the CWS and 1420–
1320M⊙ for the CCWS. Given that Γ > −2, these
mass estimates are relatively insensitive to the choice
of lower mass cutoff and slope. The corresponding
numbers for a Salpeter mass function would be 104
(CWS) and 3900M⊙ (CCWS). Obviously these esti-
mates are lower limits since we almost certainly have
not detected all the M ≥ 20M⊙ stars yet. We can es-
tablish a rough upper limit to the numbers of missing
O stars by counting all stars (0.8′′ < p < 13′′) in our
proper motion list (Ott et al. 2006, in preparation) that
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are on near tangential, clockwise orbits ( j > 0.6.) In
Fig. 3 we showed that only 24% of late type stars but
60% of the early type stars reside in this range. Given
that there are approximately the same number of late
and early type stars (≃ 100 each) to mK ≃ 13.9, equiv-
alent to an O8–9 V dwarf, the above criterion may
select a sample with ≃ 71% early type stars. In our
proper motion sample there are 35 such stars that are
not spectroscopic early or late type stars. Hence an
upper limit to the correction factor for missing early
type stars with M ≥ 20M⊙ in each system is about
(53 + 0.71× 35)/53 = 1.5. We conclude that the total
stellar content in the clockwise and counter-clockwise
systems is ≤ 6000 and 2200M⊙.
These estimates (or limits) are fully consistent with
two other and completely independent lines of argu-
mentation. In the first Nayakshin et al. (2005) con-
sider the precession and warping that is induced by
one of the stellar disks on the other, and vice versa.
They study the evolution of the apparent thickness of
the disks with time, as a function of their masses. They
require the thickness to be as observed (Sect. 3.2.2) at
t = 4 Myr. Depending on whether the original con-
figuration was two thin disks in circular motion, or
whether the counter-clockwise disk was initially an in-
spiraling cluster with significant radial motion, Nayak-
shin et al. find masses of between 5000 and 15,000M⊙
for the CWS and between 5000 and 10,000M⊙ for the
CCWS. The 4 Myr age assumed in their work is some-
what smaller than what we deduced in Sect. 3.4. These
masses thus are strict upper limits.
Nayakshin & Sunyaev (2005) have
pointed out another argument for a flat initial mass
function and for stellar masses < 104M⊙ owing to the
weakness of extended X-ray emission in the central
parsec. Nayakshin & Sunyaev argue that the bright
X-ray emission of young T-Tauri stars is a handle for
probing the low mass end of the mass function. For a
< 10 Myr old stellar component and a Salpeter mass
function the predicted diffuse X-ray flux in the central
parsec exceeds the observed value of Baganoff et al.
(2003) and Muno et al. (2005) by a factor of 20 to 100.
From these various arguments it is safe to con-
clude that the mass function of the young stars in the
Galactic Center is indeed flat and that the total stellar
mass contained in the clockwise disk does not exceed
≃ 104M⊙. The corresponding limit for the counter-
clockwise system is probably ≃ 5000M⊙. Our deep
observations of the northern field (3.3.3 and Maness
et al. 2005, in preparation) also strongly suggest that
there is no ‘reservoir’ of B stars tidally stripped from
the in-spiraling cluster at larger radii that would point
to many missing lower mass stars. We thus believe that
the flat mass function we, Nayakshin et al. (2005) and
Nayakshin & Sunyaev (2005) deduce approximates an
initial mass function, unaltered by dynamical effects.
4. Discussion
4.1. Origin of the Stellar Disks
What have we learned from the new observations
and their analysis? Let us summarize the key conclu-
sions:
1. the large majority of the early type stars in the
central parsec (excepting those in the central
cusp around Sgr A*) reside in one of two, well
defined rotating disks. These disks are oriented
at large angles with respect to each other, and to
the Galactic plane. One rotates clockwise in pro-
jection, the other one counter-clockwise. The
clockwise system (CWS) has 2.5 times as many
massive stars as the counter-clockwise system
(CCWS);
2. the disks have a well defined inner radius (edge).
The more populated clockwise disk has an in-
ner edge at p = 1′′, just outside the central B-
star cluster in the Sgr A* cusp. Its azimuthal
distribution is isotropic. The inner edge of the
counter-clockwise disk is further out. This sys-
tem thus resembles more a ring;
3. Both disks have an outer density profile scaling
as Σ ≃ R−2. No O/WR-stars (in all directions)
and lower mass B-stars (toward the north) are
present outside the central p = 13′′ region;
4. the disks have a finite but moderate thickness,
σi = 14◦± 4◦ (〈|h|/R〉0.12± 0.03) for the CWS
and 19◦ ± 10◦ (〈|h|/R〉 = 0.16± 0.06) for the
CCWS;;
5. almost all of the stars in the CWS are on low
eccentricity, close to circular orbits;
6. on the contrary, most stars on the CCWS appear
to be on eccentric orbits;
7. the IRS 13E group of early type stars appears
to be the center of a larger local concentration
of stars with ≥12 (K≤17.5) members and to-
tal stellar mass of order 103M⊙. It appears to
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have a large orbital eccentricity (e > 0.5). This
concentration represents the second largest stel-
lar density in the central parsec, second only to
the central Sgr A* cusp, and is among the high-
est known core densities (> 3×108M⊙ pc−3). It
is unlikely a projection effect. IRS 13E is com-
pact enough that it may be long-lived in the tidal
field of the central black hole, even without in-
voking a central intermediate mass black hole. It
may be a slowly dissolving star cluster embed-
ded in the counter-clockwise system;
8. the stellar disks are coeval to within 1 Myr, have
an age of 6± 2 Myr and must have formed over
a time period≤ 2 Myr;
9. the total stellar mass associated with each of the
two disks does not exceed 104M⊙;
10. the (initial) mass function of these disks is flatter
than a Salpeter mass function by 1–1.5 dex.
Let us review the two star formation scenarios in
view of this ‘report card’, for each of the two systems.
4.1.1. The In Situ Star Formation Scenario Is in
Good Agreement with the Data
The presence of two well defined kinematical sys-
tems seems to require two separate events of star for-
mation. This is actually somewhat problematic what-
ever the formation scenario is, since these two events
must have occurred basically at the same time. How-
ever, the two events are allowed to be separated by
≃1 Myr from each other. This timespan is sufficient
for star formation to remove most of the gas from
the first disk before the second one starts forming.
The minimum time needed to form stars can be esti-
mated as follows. Once the disk becomes gravitation-
ally unstable, instabilities are believed to grow in the
disk on dynamical time scale (e.g. Toomre 1964), i.e.
60 yr (R/1′′)3/2. In addition to that, accretion of gas
onto proto-stars is limited by the Eddington accretion
rate onto these, which sets the stellar mass doubling
time scale to about a thousand years (e.g., Nayakshin
& Cuadra 2005). Taken together, these two conditions
constrain the minimum duration of the star-formation
episode to about 104 yr. Therefore both gaseous disks
are not required to have been in the central parsec at
the same time. The in situ scenario passes points 1 and
8.
Points 2 and 3 are also reasonably natural in the
context of an accretion disk. The minimum radius
where the gravitational instability can form stars may
be estimated as follows. In order for the disk to be
self-gravitating at radius R, the accretion disk surface
density Σgas must be larger than a minimum value
(e.g. Fig. 2 in Collin & Hure 1999; Levin 2003,
astro-ph/0307084), which is approximately given by
Σmin = 104M4M⊙/(piR2a), where M4 is the minimum
unstable disk mass in units of 104M⊙ (see top panel in
Fig. 1 in Nayakshin 2006, MNRAS, submitted, astro-
ph/0512255), and Ra is the radius R in arcseconds.
At the same time, for a given dimensionless accretion
rate m˙, in units of the Eddington accretion rate, and
the disk viscous α-parameter, the standard accretion
disk model (Shakura & Sunyaev 1973) predicts that
Σgas = ΣSS ∝ R
−3/5
a . Therefore, stars may be able to
form only at disk radii greater than
Rmin ≃ 0.4′′α4/7M5/74 m˙
−3/7 . (3)
Given the crude nature of these estimates and uncer-
tainties in α and m˙, this estimate of Rmin is reasonably
close to the observed inner disk cutoff radius (precise
values for both α and m˙ are uncertain but should be
reasonably close to unity in the case of a massive self-
gravitating disk).
The radial stellar density profile Σ may be expected
to follow the initial gas surface density, Σgas, if star
formation instantaneously consumed most of the gas
disk. Interestingly, the observed Σ varies as R−2, as
expected in a
Q = csΩ
piGΣ
≃ 1 (4)
marginally stable stationary self-gravitating disk (Lin
& Pringle 1987; Collin & Hure 1999; Thompson,
Quataert, & Murray 2005; Q is the Toomre parame-
ter, Toomre 1964). A time-dependent self-gravitating
disk left to its own devices will also develop a steep
surface density profile, Σgas ≃ R−3/2 (Lin & Pringle
1987), again close to the observed steep profile, es-
pecially when compared with the standard Shakura &
Sunyaev profile that scales as R−3/5 at large radii (when
assuming a constant opacity, e.g. eq. 20 in Svensson
& Zdziarski 1994). However, the time scales needed
for the disk to go through a significant mass transfer in
radial direction is prohibitively long:
tvisc ≃ Ω−1
(
MBH
Mdisk
)2
(5)
≃ 3× 108 yr
(
R
10′′
)3/2( Mdisk
104M⊙
)
−2
,
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where Ω is the Keplerian angular frequency.
The thickness (point 4) of the disks is also consis-
tent with the expectations: even though the gas (and
stellar) disks should be initially quite thin, they thicken
somewhat due to relaxation (h/R ≃ 0.1 after a few
106 yr, eq. 15 in Nayakshin & Cuadra 2005) and get
warped due to the gravitational torque applied by each
disk on the other one (Nayakshin & Cuadra 2005;
Nayakshin et al. 2005). The low eccentricities of the
orbits in the CWS (point 5) are the natural outcome
from a marginally stable disk.
The disk mass necessary for a classical disk to frag-
ment is & 104M⊙, just above the higher limit on the
current stellar mass (point 9). This discrepancy is not
worrisome. A fraction of the gas in the disks may have
been expelled through stellar feed-back (either escap-
ing the central region, or being redistributed and later
accreted by Sgr A*). In addition, the disk surface den-
sity was perhaps not a smooth function of radius. In
that case, the instability criterion Q = 1 may have been
reached in parts of a less massive disk, which would
otherwise have been stable.
Formation of massive stars would not be unex-
pected in the accretion disk star formation scenario.
The initial mass of the disk fragment collapsing to
form first gravitational condensations in the disk
should be of order Mfrag = ρdiskh3, which can be es-
timated for the marginally self-gravitating disk at
(Q ≃ 1) to be only ≃ 0.01M⊙ (e.g., see the bottom
left panel of Fig. 3 of Collin & Hure 1999. While
their estimate was made for MBH = 106M⊙, Mfrag is a
weak function of the super-massive black hole mass).
Nevertheless, since the requisite gas densities in the
accretion disk are several orders of magnitude higher
than even those in molecular cores, Bondi-Hoyle and
Hill accretion rate estimates yield very high accretion
rates onto these fragments, M˙ > 10−3M⊙ yr−1. With
this stars double their mass at the rate limited by the
Eddington limit, which is of order 1000 years (Good-
man and Tan 2004, Nayakshin & Cuadra 2005, Fig. 2).
Thus as little as 105 years of such accretion would
lead to very massive stars. In addition, stellar mergers
could contribute to the growth of the massive stars.
Finally, the first collapsed object may be more mas-
sive than the estimate above if radiative cooling rate is
only marginally sufficiently fast to allow disk gravita-
tional collapse (see, e.g. second simulation in Gammie
2001), or turbulent ‘pressure’ support is important in
preventing smaller clouds to collapse (McKee and Tan
2004). For these reasons, a top-heavy mass fucntion
(point 10) may be natural in the context of the in situ
scenario. Future detailed work is warranted to delin-
eate the dominant mode of massive star growth in the
observed stellar disks.
Therefore, the in situ, accretion disk scenario fits
perfectly for the clockwise system. There remains
however two points to be clarified for the counter-
clockwise system: the high eccentricity of the orbits
(point 6), and the presence of a very dense star cluster
(point7). At first glance these two points seem to be
strong clues in the direction of the in-falling star clus-
ter scenario. However, the latter point is resolved if
the in situ model is amended with the possibility that
gravitational collapse in the disk can lead to local clus-
ter formation. The likely occurrence of this process
has already been pointed out by Milosavljevic & Loeb
(2004). The large eccentricities in the CCWS are not
incompatible either with the accretion disk scenario.
It is possible that that the progenitor accretion disk
did not circularize before forming stars, since the disk
fragmentation may have occured on a short dynami-
cal timescale. Alternatively, gravitational interaction
between IRS 13E and the gaseous disk may drive the
former’s eccentricity (Goldreich & Sari 2003). Both of
these ideas will be investigated in greater detail in the
future. Overall, the in situ scenario seems acceptable
for the CCWS, with some open theoretical questions.
4.1.2. The In-Spiraling Cluster Scenario Is Unlikely
The in-spiraling cluster scenario is also able to
fulfill more or less easily most of the points of the
‘report-card’ above. The core density of IRS 13E
(> 3× 108M⊙ pc−3) is greater than the core density
required for a cluster to sink deep into the central par-
sec before disruption (107M⊙ pc−3). Nevertheless, the
in-spiraling scenario seems to fail on point 3, and fails
on point 9 in a way that we deem fatal.
First of all, models of such an in-falling cluster
show that the cluster should lose a lot of stars during
the inspiral, leaving a stellar population with a shallow
radial profile extending over several parsecs in the ra-
dial direction, in contradiction to point 3. Gürkan &
Rasio (2005) argue that this discrepancy can in prin-
ciple be overcome by initial mass segregation in the
cluster. In this way, the stars that are lost at large dis-
tance from the center are lower mass stars below our
detection limit, and all the detectable stars are brought
in the central parsec. No quantitative analysis has been
done so far though, so that it is not clear whether the
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mass segregation–evaporation process can bring all the
OB stars into the central 0.5 pc, with a density profile
as sharp as the observed one, and not leave a telltale
population of B stars at R > 0.5 pc (which we do not
observe).
Even if this strong mass segregation were possible,
we would be observing all the > 20M⊙ stars initially
in the cluster. The total inital mass of the cluster could
not exceed 17000M⊙ for the CWS and 6,500M⊙ for
the CCWS, even assuming a Salpeter IMF. The to-
tal mass required to make a cluster in-spiral from far
out (a few 10 pc) into the central region within an O
star lifetime is > 105M⊙ (Gerhard 2001; McMillan &
Portegies Zwart 2003; Kim et al. 2004; Gürkan & Ra-
sio 2005). The inconsistency between the data and the
models is a factor of & 6 for the CWS, and & 15 for
the CCWS.
Therefore, taken together, these points favor strongly
the in situ acretion disk model for the formation of
both stellar disks in the central parsec. We conclude
that the clockwise disk almost certainly resulted from
in situ star formation in a dense gas disk. The most
obvious process starting such a disk is the infall of a
large gas cloud (Morris 1993; Genzel et al. 2003), fol-
lowed by dissipation of its angular momentum through
shocks in a ‘dispersion ring’ (Sanders 1998). The in
situ star formation scenario is also plausible – and cer-
tainly much more plausible than the infalling cluster
scenario – for the counter-clockwise system assum-
ing that eccentric orbits and cluster formation can be
understood within the framework of the model.
We do not have an explanation for the near-
simultaneous occurrence of two star formation events
6 Myr ago, followed by little since then, and preceded
by little for tens of Myr (Blum et al. 2003). It is
unavoidable to conclude that the epoch 4–9 Myr ago
must have been a very special one for the Galactic
Center. It is interesting and relevant to note in this
context that the other two young, massive star clus-
ters in the central 50 pc, the Arches and Quintuplet
cluster, have comparable stellar masses (104M⊙), stel-
lar content (WC/WN etc.), ages (2–7 Myr), and (flat)
mass functions (Figer et al. 1999; Figer 2003; Stolte
et al. 2005). We might speculate that star formation
across the Galactic Center was triggered a few Myr
ago by a global event, such as an interaction with a
passing satellite galaxy that raised the pressure in the
central interstellar medium and/or lead to increased
cloud/cloud collisions.
4.2. Origin of the central B-star cluster by scat-
tering from a sea of B-stars
We end by briefly commenting on the proposal of
Alexander & Livio (2004) that the B-stars in the cen-
tral cusp are the result of the capture of B-stars on
near-loss cone orbits, originally unbound to the central
black-hole, following a three body, direct exchange
scattering process with the central massive black hole
and ≃ 10M⊙ stellar black holes residing in the central
cusp.
This elegant and attractive proposal requires the
presence of a ‘reservoir’ of B-stars originally at large
distances from the central hole. In the specific model
presented by Alexander & Livio (2004) the captured
fraction of ≥ 3M⊙ B-stars is about 10−4 for a constant
star formation scenario. With ≥15 B-stars presently
observed in the central cusp (Eisenhauer et al. 2005), a
total reservoir of about 1.5× 105 ≥ 3M⊙ B-stars (and
1.5× 104 ≥15M⊙ stars) are required for the mecha-
nism to work. The surface density in the reservoir de-
pends on its spatial extent. Alexander & Livio (2004)
consider stars originating between 0.5 pc (where stars
are on unbound orbits relative to the MBH) to 2.5 pc
(where the orbits are still marginally Keplerian), and
find that the required surface density over that area is
about 10 B stars per square arcsec. The deep obser-
vations reported toward the northern field (3.3.3) limit
the number of mK < 16.5 B-stars to about 0.4 stars per
arcsec2. The discrepancy is a factor of 25. The cur-
rent observations appear to to exclude the capture of
unbound stars by the mechanism proposed by Alexan-
der & Livio (2004). Alternatively the reservoir may be
the stellar disks themselves. The exchange capture ef-
ficiency of such bound, short period stars is still under
investigation. Due to crowding, it is not yet possible
to securely identify B V stars, such as populate the S-
cluster in the inner arcsec (Eisenhauer et al. 2005),
throughout the disks. While it is possible that some
of the stars we identify as OB III/V are B V stars (Ta-
ble 5), deeper spectroscopy is required for a full census
of the B V content of the disks.
5. Conclusions
We report firm spectroscopic detections of 41 OB
stars (luminosity classes I–V) in the central parsec.
The new data resolve a decade old puzzle of the ‘miss-
ing O stars’. Some of these stars seem He- and N-rich
(OBN stars).
We confirm the presence and define the properties
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of the two young star disks first presented by Levin &
Beloborodov (2003) and Genzel et al. (2003).
The disks rotate about the center and are at large an-
gles with respect to each other. They have a very well
defined inner radius, a radial surface density profile
scaling as R−2, and a moderate geometric thickness. In
one of the disks (the clockwise, ‘IRS 16’ system) al-
most all stars are on close to circular orbits. However
in the other, counter-clockwise, ‘IRS 13E’ system,
most of the stars (including the IRS 13E cluster) orbit
on eccentric orbits. Star counts suggest that IRS 13E
is a long-lived cluster of stellar mass & 400M⊙. It is
the cluster with the highest known core density after
the cusp around Sgr A* itself: > 3× 108M⊙ pc−3.
The star disks are coeval within ≃1 Myr and have
formed ≃6 Myr ago. The stellar mass function is sig-
nificantly flatter than Salpeter, setting a limit to the to-
tal stellar mass in the disks of about 1.5× 104M⊙.
The constraints just discussed strongly suggest that
the stars in the ‘IRS 16’-disk were formed in situ
from a dense gaseous accretion disk. They were not
transported into the central parsec by an in-spiraling
massive star cluster. On balance the same conclusion
seems plausible (but not incontrovertibly proven) for
the ‘IRS 13E’-disk. In that case, the IRS 13E cluster
must have formed within the disk.
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A. Conventions used in this paper
We use the usual astronomical cartesian coordinate system, in offsets from from Sgr A*: x = cosδdα increases
eastwards, y = dδ increases northwards, and z = dD increases forward along the line-of-sight from the observer. We
occasionally use spherical coordinates:
ϕ = arctan
y
x
; θ = arccos(z/
√
x2 + y2) ; R =
√
x2 + y2 + z2 (A1)
x = Rsinθ cosϕ ; y = Rsinθ sinϕ ; z = Rcosθ . (A2)
When discussing orbital planes, we use the orbital elements defined in Aller et al. (1982), adapted for defining an
oriented disk, which is consistent with Eisenhauer et al. (2005). The disks are first defined by the orientation of their
line of nodes, which is the intersection of the disks (which contain Sgr A*) with the plane of the sky (also containing
Sgr A*). More precisely, we refer to the ascending (=receding) half of this line. The position angle of the line of
nodes Ω is the angle between the North direction and this ascending half of the line of nodes, increasing East of North
(counter-clockwise). The second element necessary to define these oriented disks is the inclination i, measured on the
ascending half of the line of nodes, from the direction of increasing Ω to the direction of motion on the disk.
0◦ ≤ i < 90◦ ⇒ counter − clockwise projected rotation;
90◦ < i≤ 180◦ ⇒ clockwise projected rotation.
An equivalent way to define these disks is to give the three Cartesian coordinates of their normal vector. The
rotation of the stars on the disks is then always counter-clockwise when visualized from a point towards which the
normal vector is pointing. A disk is counter-clockwise (in projection) when the z coordinate of its normal vector is
negative and clockwise when it is positive.
nx = sin icosΩ ; ny = −sin isinΩ ; nz = −cos i . (A3)
The spherical coordinates of the normal vector relate to i and Ω, but are not equal to them:
ϕn = −Ω ;θn = 180◦ − i . (A4)
B. Discriminating star disks
Genzel et al. (2003) defined the sky-projected angular momentum (or normalized angular momentum with respect
to the line of sight) as
j = Jz
Jz,max
=
xvy − yvx
(x2 + y2)1/2(v2x + v2y)1/2
. (B1)
It is a simple way to distinguish stars on projected tangential orbits (| j| ≃ 1) from stars on projected radial orbits
( j ≃ 0), and stars on projected clockwise orbits ( j ≃ +1) from stars on projected counter-clockwise orbits ( j ≃ −1).
They fit disk solutions to the data by minimizing as a function of the normal vector n the following quantity, introduced
by Levin & Beloborodov (2003):
χ2 =
1
N − 1
N∑
k=1
(n• vk)2
(n•σk)2 , (B2)
where vk = (vx,k,vy,k,vz,k) is the velocity vector and σk = (σx,k,σy,k,σz,k) the corresponding velocity uncertainty of the i-
th star (Ox points Eastwards, Oy, Northwards, and Oz, away from observer). The unit vector n describes the orientation
of the normal vector to a common plane in which all N stars are assumed to move.
There is a more straightforward way to find a disk in the data, which does not rely on fitting. Consider the 3D space
velocity of star k (k = 1. . .N) in spherical coordinates (eqs. A1, A2),
vk = (vx,k,vy,k,vz,k) = ||vk||(sinθk cosϕk,sinθk sinϕk,cosθk) . (B3)
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Assuming that all N stars are in the plane of a common disk with normal vector
n = (nx,ny,nz) = (sin icosΩ,−sin isinΩ,−cos i)
(see eq. A3), then all stellar velocity vectors must obey
0 = n• vk = sin icosΩsinθk cosϕk − sin isinΩsinθk sinϕk − cos icosθk (B4)
sin isinθk cos(Ω+ϕk) = cos icosθk (B5)
cotanθk = tan icos(Ω+ϕk) . (B6)
In the plane spanned by ϕ and cotanθ, stars located in a planar structure thus must exhibit a telltale cosine pattern.
C. The projection effects on the determination of the eccentricity
For the Monte-Carlo simulations in Sect. 3.2.5, for each star we assumed normal distributions for vx, vy, vz, R0
(7.62± 0.32 kpc, Eisenhauer et al. 2005) and MSgrA∗ (3.61± 0.32× 106M⊙, Eisenhauer et al. 2005) (x and y have
been left out as they play a minor role in the error budget). The potential well is assumed to be dominated by Sgr A*,
which should essentially be true for the region where our measurements are most reliable (p < 8′′). We have drawn z
as a uniform variable (|z| < 20′′). For each one of the 106 realizations (per star), we have computed the eccentricity
e and the inclination to the midplane of the system to which the star belongs (iCW and iCCW, i(C)CW for short). We
then constructed the 2D histograms of these two parameters (maps of P(i(C)CW,e)). In order to validate our method, we
have performed the same analysis on several sets of artificial data that assumed a single eccentricity (including circular
case) for all stars and the same geometry as the CWS and CCWS, introducing errors typical of the real systems. R0
and MSgrA∗ have been varied to check their influence on the conclusions.
In these 2D histograms, strong depletions where observed close to e = 0 and i(C)CW = 0. This is simply because of
the uncertainties and of the functional dependency of e and i(C)CW on the 3D velocity (the true errors on vx, vy, and vz
are unlikely to be all smaller than their respective 1σ error bar at the same time). We have approximately corrected
this effect by dividing the histograms by (1 − exp(−e/0.35)) and (1 − exp(−i(C)CW/20◦)). This makes the 2D histograms
look smooth and the values of e determined for the artificial stars have the right statistics (peaking close to the assumed
eccentricity). The correction affects only small eccentricities in practice (e . 0.2).
Figure 14 shows the sums of the histograms of all stars for each one of the CWS and CCWS, for both the real data
and artificial data in which all stars are on circular motion. These co-added e vs. i(C)CW histograms yield a striking
result: whereas the map for the CWS much resembles the corresponding artificial data set that assumes circular motion,
with a maximum towards (e = 0, iCWS = 0◦), this is not the case for the CCWS: for this system, the most prominent
feature of the map is a (quarter of) ring running from (e = 0.8, iCCW = 0◦) to (e = 0, iCCW = 80◦). Such a ring-like
structure on the 2D histogram of a star is the sign that this star can either be on the disk (i(C)CW = 0) or on a circular
orbit (e = 0), but not both at the same time. Since indeed most of the maps of CCWS stars exhibit this ring, and since
they can not be all at high inclination, we can already conclude that CCWS have typically high eccentricities.
From these maps, we can go further and estimate the eccentricity for each star. To do so, we simply compute (for
each star) the distribution
P(e) =
∫
i(C)CW
P(i(C)CW,e)P(i(C)CW)di(C)CW (C1)
where P(i(C)CW) which is known a priori: a Gaussian centered on 0 and of width 14◦ and 19◦ respectively for the CWS
and CCWS. We then fit a Gaussian on this distribution, and take the centroid as the best estimate, and the width of the
Gaussian as the uncertainty.
It must be understood that the histograms are sometimes not nearly Gaussian. The method gives reasonable esti-
mates given the quoted error bars, though.
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D. Likelihood that IRS 13E is a background fluctuation
In Sect. 3.3.1 we use stellar counts to show that IRS 13E is not a background density fluctuation. The first step is to
determine the background density. We have made the approximation that, given Λ the number of stars observed in the
outside field of surface Aout, the probability PN that the actual background density of stars is indeed N per such area is
given by a Poisson law of parameter Λ. In our case, Λ = 115 to a limiting magnitude of mH = 20.4 (69 to mH = 19.4)
and Aout = 8.79 arcsec2.
Given N, the probability PNin|N to find Nin = 46 (26) stars in the circular aperture of surface Ain = 1.45 arcsec2 is
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0.0
0.5
1.0
1.5
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Fig. 14.— Co-added e vs. i(C)CWS 2D histograms P(i(C)CW,e) (z uniformly distributed with |z|< 20′′, linear gray scale)
for all stars in the following systems: real CWS and CCWS stars (top left and right; p < 8′′), artificial CWS and
CCWS stars on circular orbits (bottom left and right). The real and artificial CWS maps are quite similar whereas the
CCWS ones are very different from each other.
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also given by a Poisson law, of parameter N Ain/Aout. The probability, given our observations, that IRS 13E is but a
spike in the Poisson noise of the background density of stars (i.e. a chance alignment) is given by the sum
∫ +∞
N=0
PNPNin|NdN ≃
+∞∑
N=0
PNPNin|N . (D1)
We find that the probability to find just by chance such a concentration of star at any randomly selected line-of-sight
in the central parsec is 2× 10−6 (2× 10−4). The over-density in IRS 13E is significant at the 4.5σ (3.5σ) level. Of
course, if one selects a large number of lines-of-sight, the probability that one of these lines will be associated with
such a chance over-density is higher than these numbers. The question thus arises whether the choice of the location
of IRS 13E can be considered as random with respect to the problem of chance alignment of stars. As discussed in
Sect. 3.3, the properties of IRS 13E make this source unique in the central parsec. However, one of the criteria for
the selection of this field was the presence of three stars. Therefore, inasmuch as we subtract these three stars from
our count numbers, we can consider the aperture around IRS 13E as randomly chosen. Given the number of stars that
remain after having subtracted these three, the probability that the observed over-density associated with IRS 13E is
but a chance alignment remains 2× 10−5 (2× 10−3).
E. Stellar Population Synthesis
We used the synthesis code developed by Schaerer & Vacca (1998). They distinguished several subtypes of Wolf-
Rayet (WR) stars from O (and Of) stars. They defined any star burning H in its core and having effective temperatures
larger than 33,000 K as an O star. Here we are more generally interested in a population of hot stars (O I–V + B I).
We therefore modify their definition of an ‘O’ star to include the B supergiants, but not the B dwarfs, which we have
not detected. In addition to this, the effective temperature of O stars has recently been revised downward (Martins
et al. 2002, 2005; Crowther et al. 2002; Markova et al. 2004; Massey et al. 2005). In order to satisfy both points,
we have considered as an ‘O star’ in the code every star with Teff > 23,000 K and logL/L⊙ > 5.2. We used Geneva
evolutionary tracks with rotation (Meynet & Maeder 2003; Maeder & Meynet 2004) for both solar and twice solar
metallicity. We chose the minimum masses for WR stars according to the predictions of Meynet & Maeder (2003).
An initial mass function with a minimum mass of 0.8M⊙ and a maximum mass of 100M⊙ was used, and we varied
the slope between −2.35 (Salpeter) and −1.35 (top-heavy). We computed models for an instantaneous burst of star
formation, an extended burst (2 Myr) and a constant formation rate.
F. Determination of Teff and MK
Accurate Teffs are usually derived through detailed modeling of the spectra with atmosphere codes. This is a very
long process, but first insights can be obtained with ‘effective temperature scales’ (c.f. Martins et al. 2005). In this way
we were able to assign a spectral type to most of the stars observed so far. Absolute K band magnitudes can be easily
computed from the observed K magnitudes, the distance to the Galactic Center and an estimate of the extinction. We
used the currently best Galactic Center distance (7.62± 0.32 kpc, Eisenhauer et al. 2005). We applied the extinction
map of Scoville et al. (2003) to estimate the K-band extinction AK . To convert the V-band extinction AV into AK , we
have used the approximate relation AK ≃ 0.1AV . The resulting absolute magnitudes (and their 1σ uncertainties) are
given in the last two columns of Table 2. For the 8 kpc distance adopted for the rest of this paper magnitudes would
be increased by ≃ 0.1 mag. We applied the effective temperature scale of Martins et al. (2005) for O stars. For B stars
we relied on the relations of Schmidt-Kaler (1982). In practice, for a star classified as 09–B1 I, we have chosen the
effective temperature of a B0 supergiant as representative and the most likely range of values was chosen by adopting
Teffs for a O9 and a B1 supergiant as limiting values.
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